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Abstract
The focus of this thesis is on observations of star-forming globules that have cometary
morphologies and are associated with or located in HII regions. Our study presents a
sample of globules at different size-scales and investigates their structure, formation
mechanism, and star formation using observations made at infrared (IR) and mil-
limeter (mm)-wave wavelengths. The studied globules offer examples of associated
low-mass star formation triggered by the influence of an HII region.
Infrared, mm, and radio observations are fundamental in detecting signs of on-
going star formation embedded inside dusty, dense globules. The embedded young
stellar objects (YSOs) are detected directly in the IR and indirectly via jets and
outflows in shocked H2 and mm-wave CO observations.
This thesis is a case study of different types of globules. Cometary globules (CGs)
represent the classical globules with sizes of ∼ 0.1−1 pc and masses of ∼ 10 M⊙, and
the so-called globulettes are an order of magnitude smaller than CGs. We observe
on-going low-mass star formation in both types of globules. Compression associated
with radiation from the hot central star (via so-called radiation driven implosion,
RDI) is suggested as the cause. The star formation in the globulettes may result in
low-mass stars and/or possibly in free-floating planetary-mass objects.
Five publications are included, two of which discuss two cometary globules, CG 1
and CG 2, in the Gum Nebula. Earlier studies have discovered a pre-main sequence
star outside the head of CG 1, and we find second generation star formation in the
head of CG 1 which contains an embedded object and a large outflow cavity. Two
near-IR (NIR)-excess objects are seen in the direction of CG 1 tail and one in the
head of CG 2. Our original goal was to study if the CG formation mechanism is
triggered by supernovae shocks or by RDI, but based on the observations, we cannot
fully determine between the two.
The next two papers discuss mm-wave and NIR observations of small globulettes
in the Rosette Nebula. Globulettes have not been studied in the NIR before this.
The globulettes are dense and they are irradiated by ultraviolet radiation from the
central Rosette cluster which causes bright fluorescent H2 rims in the globulettes in
the NIR. The globulettes are observed along with long pillars of gas extending toward
the central cluster, so-called elephant trunks. These together form a system that
expands at the same velocity from the central cluster. Star formation is on-going in
the largest Rosette globulette observed in this study and in the tip of one elephant
trunk.
The final paper reports NIR observations of two globules on the inner molecular
shell of the Rosette Nebula. They have fluorescent H2 rims similar to the globulettes.
A NIR-excess object is located in the direction of one globule and the other contains
i
an embedded YSO. The YSO drives an outflow seen in shocked H2. Imaging in the
optical and NIR suggest that the outflow is parsec-scaled and interacts with the shell
of the Rosette Nebula.
The globules we observed are subject to ionizing radiation from OB stars, which
photo-erodes the globules and drives the RDI process. Star formation takes place in
all globule types we observed, and the second generation star in the head of CG 1 is
indicative of triggered star formation. The first detailed NIR and mm-wave observa-
tions of the Rosette Nebula globulettes are presented here. Star formation is detected
in one globulette and in one of the associated elephant trunks, but we cannot deter-
mine if the globulettes can collapse to directly form brown dwarfs or planetary-mass
objects. Future observations using ALMA and other high-resolution instruments are
needed in determining the physical and chemical structure of the globulettes.
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Chapter 1
Introduction
1.1 Star formation in GMCs and globules
Giant molecular clouds (GMCs) with masses of ∼ 105 M⊙ and sizes of ∼ 50 pc (e.g.
Blitz 1993) house much of the Galactic star formation.Massive stars (M > 10 M⊙)
require large reservoirs of gas and they form in the densest regions of GMCs. Some
recently identified locations of massive star formation are the infrared dark clouds
(e.g. Egan et al. 1998; Simon et al. 2006). Most stars form in gravitationally bound
clusters or unbound associations in GMCs (see e.g. Miller & Scalo 1978; Zinnecker
et al. 1993; Larson 2003; Lada & Lada 2003), making isolated star formation rare.
Recent Spitzer and Herschel observations have indicated that self-gravitating filaments
in dense clouds play an important role in the star formation process (see review by
e.g. André et al. 2014). Low-mass stars (∼ 0.1−2 M⊙) frequently form in clusters and
associations, but unlike massive stars, they can also form in smaller globules that have
masses of ∼ 10 M⊙ and sizes of ∼ 0.1− 1 pc (e.g. Bok 1977). Globules can be either
isolated from larger cloud complexes, or associated with or attached to shells around
regions of massive star formation (Leung 1985). See Fig. 1.1 for sample images of
globules.
Massive stars will begin to ionize the surrounding hydrogen gas when they become
hot enough to produce photons with E ≥ 13.6 eV. These ionized regions are called
HII regions. At the interface between the HII region and the molecular cloud, smaller
scale structures will form due to the non-homogeneous cloud structure, shocks, and
the radiation pressure from the hot stars (e.g. Minkowski 1949; Spitzer 1954; Hester
et al. 1996). Star formation is easier to study in small globules that have simple
structures than in larger groupings where the feedback from the environment is more
difficult to determine.
The structures at the interface range from cometary shaped globules that have
dense “heads” and long thin “tails” (e.g. Hawarden & Brand 1976; Sandqvist 1976;
Zealey et al. 1983; Reipurth 1983) to elephant trunks and globulettes that are an order
1
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of magnitude smaller than typical globules (Gahm et al. 2007). Cometary globules
(CGs) represent ideal locations for small-scale low-mass star formation as they have
typical masses of only ∼ 10 M⊙. This suffices typically for the formation of only one
or two stars, because the observed star formation efficiency in globules is 1 − 6 %
(e.g. Yun & Clemens 1990; Getman et al. 2007). Globulette masses are lower than
1M⊙ which allows only the formation of very low-mass stars (M < 0.2 M⊙). Current
theories suggest that very low-mass stars form along with higher mass stars (e.g.
Shu et al. 1987; Walter et al. 2003; Luhman 2012), but can they form in the tiny
globulettes?
Star formation requires the gravitational collapse of a cloud. The onset of the
collapse in a globule can be triggered by an added outside pressure, e.g. stellar
winds, ultraviolet (UV) radiation (so-called radiation driven implosion, RDI), super-
nova shocks, and expanding HII regions (e.g. Reipurth 1983; Elmegreen 1998). The
triggering mechanisms can be studied best in globules where the cloud structure is
simple and the effects of their environment are well understood. The star formation
in CGs is observed to be more efficient than in more isolated globules (e.g. Bhatt
1993; Bourke et al. 1995b) which suggests that triggering does take place in the CGs.
But how important in the general case is triggering for the onset of star formation?
Is triggering limited to a specific cloud size scale? We hope that these case studies
will give new insight to the mechanisms that lead to star formation in small globules.
Globules are typically cold and dense (T ∼ 10 − 20 K, n ∼ 104 cm−3). In
these conditions, millimeter observations of CO can be used to trace the gas mass
(mostly H2) distribution and search for possible outflows from young low-mass stars
via blue-/redshifted wings in the CO line profiles. CO emission from different CO
isotopologues can track the physical conditions such as the column density N and
temperature T in the clouds. Dust is also detected via thermal emission which peaks
at different infrared (IR) ranges depending on the grain sizes and temperature. Near-
infrared (NIR) observations include line emission, scattered light from dust particles,
and stellar radiation which can be used to map the extinction in the observed field.
Possible embedded young stellar objects (YSOs) are detected in the NIR and mid-
infrared (MIR) and their IR magnitudes can be used to determine their evolutionary
phase using IR colors and spectral energy distribution (SED) fitting.
1.2 The aims and the structure of this thesis
Studying star formation in HII region globules of different size scales gives insight to
the possible triggering processes that lead to the collapse of a cloud.The large-scale
triggering in HII regions can be studied using CGs associated with HII regions (e.g.
in the Gum Nebula). Globulettes can be used to evaluate both the production rate of
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Figure 1.1: Different types of globules. Upper left: Cometary Globule 2
(S.Binnewies/Josef Pöpsel/Hanns Ruder: www.capella-observatory.com). Upper
right: the filamentary globule B72 (the Snake Nebula), and the isolated globule
B68 above and to the left of B72 (astro-photography.net). Lower left: Thackeray’s
globules in IC 2944 (STScI/AURA, NASA). Lower right: elephant trunks in M16
(STScI/AURA, NASA, ESA).
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very-low-mass stars, brown dwarfs, and so-called free-floating planetary-mass objects
and their importance as a source of the Galactic population of isolated low-mass stars
and planetary-mass objects. Globulettes have not been extensively studied before
and their star/planet formation efficiency is not known.
The evolution of low-mass stars after the onset of gravitational collapse is currently
well understood, but the possible triggers that cause the gravitational collapse still
require more study, especially on the observational side. Globules forming low-mass
stars allow us to examine these possible causes for the onset of the collapse of the
cloud and the circumstances that prevail during star formation. Observations give
information on the presence of star formation, gas excitation, dust extinction, grain
sizes, gas content, and dynamic processes in the globules. They can be used to study
the exciting source which is often deeply embedded inside the cloud and not directly
observed.
This thesis consists of five papers and an introductory part. The papers have been
published in or submitted to the peer-reviewed journal Astronomy & Astrophysics
(A&A). The introductory part contains the physical background to the observations
and summarizes the conclusions made in the papers. The interstellar medium (ISM),
the raw material for star formation, is introduced in Chapter 2, where the components
of the ISM are summarized along with their relevant properties. Different types of
molecular clouds are reviewed briefly to give an overview of the different environments
where star formation takes place. HII regions and the structures often found at the
interface between an HII region and the surrounding molecular cloud are introduced.
Globules, triggered low-mass star formation, and especially the RDI process are dis-
cussed. The location and signs of low-mass star formation are presented in Chapter
3. Observational methods used in this thesis are summarized in Chapter 4.
Chapter 2
ISM: components and structures
The ISM is comprised of gas, dust, and relativistic charged particles (cosmic rays)
between the stars. Observations of the ISM are made over the whole wavelength
range of the electromagnetic spectrum. Near-ultraviolet, optical, NIR, and radio
wavelengths can be observed with ground facilities. Others, such as the longer IR
wavelengths, are studied outside the atmosphere either with airborne observatories
(e.g. SOFIA) or space observatories (e.g. Spitzer, Herschel, and Wide-field Infrared
Survey Explorer, WISE).
Gas is detected by its spectral lines which are seen either in absorption or in
emission. Dust is observed by the effect it has on light such as extinction, reddening,
and polarization, and by its thermal emission in the IR. The wavelength dependence of
interstellar extinction allows the study of the grain size distribution, and the observed
spectral features contain information about the grain composition. Dust grains also
provide catalytic surfaces for the formation of the H2 and other molecules (Hollenbach
& Salpeter 1971; Duley & Williams 1986).
The text in this chapter is partly based on Tielens (2005), Stahler & Palla (2005)
and Draine (2011) unless otherwise mentioned.
2.1 Gas
The ISM consists of gas and dust; one percent of the ISM mass is in dust and the rest
is gas. About 90 % of the atoms in the ISM are hydrogen and 10 % helium (about
70 % and 28 % by mass, respectively). These are the so-called solar abundances.
Trace amounts of heavier elements are present; most common are O, C, N, Si, and S.
The solar abundance values differ from the ISM abundances (e.g. Savage & Sembach
1996). Stars produce heavier elements through nuclear fusion, and they are recycled
into the ISM during the last stages of the lives of stars. However, the heavy elements
are partly locked up in dust particles or depleted onto the grains in cold molecular
clouds.
5
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Most of H and He is atomic, but more than 150 molecules have been detected
in interstellar and circumstellar sight lines (Herbst & van Dishoeck 2009). The most
abundant molecule, H2, was first detected in the ISM by Carruthers (1970). Molecular
hydrogen contains about 10–20 % of the total mass of the ISM, and it is mainly located
in dense molecular clouds as it dissociates in less dense warm environments.
Even though H2 is the most abundant molecule it is difficult to detect directly.
Therefore the second-most abundant molecule CO is often used to trace the H2 in the
ISM. Molecular spectra are used to determine the physical properties of molecular
clouds, and in the following sections the general properties of the most important
molecules, H2 and CO, are reviewed.
2.1.1 Molecular hydrogen H2
Molecular hydrogen is the simplest molecule, and its properties have been reviewed in
e.g. Field et al. (1966), Shull & Beckwith (1982), and Geballe (1990). Molecules can
have three types of transitions between energy levels: electronic; vibrational (denoted
by υ); and rotational (J). The energy separations of the electronic states correspond
to visual to UV wavelengths. Typically vibrational transitions are observed in the IR
region, and rotational transitions in the far-infrared (FIR) to millimeter (mm) range
depending on the molecular mass. Transitions between energy levels are controlled
by selection rules that depend on the properties of the molecules.
The H2 molecule has two identical hydrogen atoms, hence it has no permanent
electronic dipole moment. The dipole rotational transitions with ∆J = 1 are therefore
forbidden. Instead, the main emission mechanism of H2 is electronic quadrupole
transitions with ∆J = ±2 which are slow (of the order of a few months). The ∆J = 0
transitions are also allowed but not in the electronic ground state, i.e. J = 0− 0 are
forbidden. The J transitions are named so that ∆J = +2 is O, 0 is Q, and -2 is S. The
pure rotational spectra in the lowest electronic and vibrational state lie in the MIR
between 3–28 µm. The vibrational transitions have no strict selection rules, but the
υ = 0− 0 transition is forbidden in the electronic ground state. Most of the hydrogen
in the ISM is in the electronic and vibrational ground state.
The ro(tational)-vibrational states are named using the vibrational transition,
the J transition letter and the final J state. For example, the important 1 − 0 S(1)
transition at 2.12 µm takes place when the states go from υ = 1 to 0 and from J = 3
to 1. A concise treatment of H2 selection rules and basic transitions is in Field et al.
(1966).
The transitions from the first excited electronic state to the ground electronic
state produce the so-called Lyman (∆E > 11.2 eV, λ < 1108 Å) and from the
second excited electronic state to the ground state the Werner bands (∆E > 12.3 eV,
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Figure 2.1: Scheme of the potential energy curves of H2. The ground state 1Σ+g and
the lowest exited states are shown. The excited states 1Σ+u and
1Πu correspond to
the Lyman and Werner bands. The binding, dissociation, and ionization energies are
shown on the right. The energies are relative to the ground electric υ = 0 state.
Figure credit: Field et al. (1966, Fig. 1).
λ < 1008 Å). Photons with energies capable of causing transitions to higher electronic
states can also directly photodissociate H2 (E > 14.7 eV) or produce H+2 ions (E >
15.4 eV). Figure 2.1 shows the ground and the lowest excited electronic states and
the vibrational states in the ground electronic state.
An excited electronic state decays spontaneously typically within a few nanosec-
onds (Gould & Harwit 1963), and the process takes place via a decay to the electronic
ground state and a series of ro-vibrational transitions. If the decay ends in the vibra-
tional continuum of the electronic ground state, the molecule dissociates (Solomon
1965, reported in Field et al. 1966). Dissociation takes place in about 10–15 % of
the time (e.g. Stecher & Williams 1967; Dalgarno & Stephens 1970). For the rest
of the cases the decay stops at a bound excited (υ, J) state of the electronic ground
state. This series of ro-vibrational de-excitations is called fluorescence (e.g. Gould
& Harwit 1963; Black & Dalgarno 1976; Black & van Dishoeck 1987). It produces
lines from several transitions, which have been observed in different types of objects
(for a compilation of early observations see Shull & Beckwith 1982). The minimum
energy required for electronic excitation to the Lyman bands (11.2 eV) corresponds
to ∼ 105 K. This limits the regions where electronic excitation and the resulting fluo-
rescence can be observed. Main mechanisms for electronic excitation are UV photons
and collisional excitation in shocks.
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On the other hand, the lowest energy transition is the pure rotational transition
J = 2− 0 of the vibrational ground state υ = 0. The J = 2 state is 510 K above the
ground state and the transition is observed at 28.2 µm. Vibrational transitions with
υ = ±1 have energies of ∼ 0.5 eV and λ ∼ 2 µm, and observing them was theoretically
first suggested by Gould & Harwit (1963). Because the lifetimes of the vibrationally
excited states are ∼ 106 s (Black & Dalgarno 1976), long compared to the lifetimes
of the excited electronic states, the electronic ground state is heavily populated.
The observed H2 spectrum will depend heavily on the properties of the ISM in the
region. The optical depth of the H2 lines grows with the column density of H2, N(H2).
At column densities N(H2) > 1014 cm−2, photo-excited H2 lines become optically
thick and the UV photons cannot penetrate deeper into the cloud. This is called
self-shielding (e.g. van Dishoeck 1987; Draine & Bertoldi 1996). The H2 abundance
and excitation are very sensitive to the optical depth. In cold clouds (T < 100 K), the
UV photons cannot reach the cloud core and the main H2 excitation mechanism is by
collisions. Because these are low-energy events, H2 is in the electronic and vibrational
ground state and only the lowest rotational lines are excited. Thermal collisions are
more important than UV absorption also in warm dense regions (number densities
n > 104 cm−3), where vibrational excited states can be de-excited by collisions.
In the globules studied in this thesis, we observe mainly fluorescent and shocked H2
emission. At low densities (n < 104 cm−3) the vibrational states are less likely to be
de-excited by collisions and the resulting spectrum is purely fluorescent. The absolute
line intensities depend on the incoming UV field intensity and n(H), but the resulting
line ratios depend only on the H2 transition probabilities. The line intensities can
be modeled (see e.g. Black & Dalgarno 1976; Black & van Dishoeck 1987; Sternberg
& Dalgarno 1989). The models give for the line ratio 1 − 0 S(1)/2 − 1 S(1) a value
of ∼1.8. This is one of the typically assumed line ratios when studying a fluorescent
spectrum. Figure 2.2 has a NIR spectrum of the reflection nebula NGC 2023. High-υ
lines are also present in the spectrum which indicates that the temperature in the
nebula is high enough to excite high-υ lines. At higher densities (n > 104 cm−3),
collisions heat the gas and modify the emission spectrum for the lowest vibrationally
exited states.
In shocks, H2 is excited mainly via collisions. For the υ = 1 and 2 vibrational
states, a gas temperature of T ∼ 2000 K and a local thermodynamic equilibrium
(LTE) are assumed (Shull & Beckwith 1982). The gas cools rapidly, so that if LTE
conditions were maintained by collisions alone, the required cloud number density
would be n > 106 cm−3. Collisions can also dissociate H2 molecules. For densities
n ∼ 102 cm−3 shock velocities > 50 km s−1 are required for dissociation, but for
n > 104 cm−3, dissociation starts already at velocities of 25 km s−1 (Shull & Beckwith
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Figure 2.2: Observed NIR spectrum in the southern region of the reflection nebula
NGC 2023. Some H2 lines have been identified. The labeled features H1, H2, and
H4 are blends of several lines. See Martini et al. (1999, and references therein) for a
discussion of the NIR continuum. Figure credit: Martini et al. (1999, Fig. 5).
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1982).
The H2 NIR lines have been observed in jets and outflows, and especially the
υ = 1 − 0 and 2 − 1 S(1) lines can be used to trace shocks (see Bachiller 1996, and
the references therein). The lines are optically thin, allowing the study of the level
populations using the line intensities. The excitation mechanism of the H2 emission
can also be studied via line ratios. Despite populating also higher vibrational levels,
the collision process is less efficient at higher level excitation than the UV pumping.
Shocks start to populate levels from the ground state up while the UV excitation
populates them from above when the excited electronic states decay. Because of
these effects, line ratios such as e.g. 1− 0 S(1)/2 − 1 S(1) and 1− 0 S(1)/1 − 0 S(0)
will have higher values in shocks than in UV fluorescent regions (e.g. Hayashi et al.
1985; Sternberg & Dalgarno 1989; Burton et al. 1990, 1992).
However, in some environments the shocked and the fluorescent line ratios can
look similar in the NIR if the densities are suitable. In addition to the line ratios,
observations of the higher transitions at λ < 2 µm will help to decide between the
excitation mechanisms. In many regions both shocks and UV sources will excite H2,
and the NIR lines at ∼ 2 µm will be affected by both because collisions produce
intensities similar to UV excitation at lower densities (fluorescent H2 mapping of
star-forming regions has been conducted by e.g. Lane & Bally 1986; Luhman et al.
1994; Hartigan et al. 2015).
2.1.2 Carbon monoxide CO
CO is the second-most common molecule after H2 in the ISM with an abundance of
∼ 10−4 of the H2 abundance (e.g. Frerking et al. 1982). The first detection of CO in
the ISM in the mm region was reported at the same time as the H2 detection (Wilson
et al. 1970).
Molecular hydrogen is difficult to detect because even the lowest transitions have
large excitation energies, and the allowed quadrupole transitions are weak because the
spontaneous radiative decay is slow. CO on the other hand has a small permanent
dipole moment (0.1 D) which allows the faster dipole transitions (i.e. ∆J = ±1)
to take place and the energy levels are more closely spaced. The lowest rotational
transition for H2 is at 28.2 µm (E/k = 510 K), whereas the lowest rotational transition
for CO is at 2.6 mm (E/k = 5.5 K). Because of the low excitation energy of the low
CO rotational transitions, CO can be excited in the cold molecular clouds.
Figure 2.3 presents the energy levels of CO for the lowest electronic, vibrational,
and rotational transitions. The important CO J = 1 − 0 to J = 3 − 2 rotational
transitions at 2.6 to 0.8 mm are readily observable at radio telescopes. CO and H2
are well mixed in cloud cores, and therefore CO observations can be used to trace the
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Figure 2.3: Energy levels of CO. The vibrational and rotational levels are shown for
the ground electronic state, and the rotational levels are also in the vibrational υ = 0
level. Figure credit: van Dishoeck & Black (1987, Fig. 1).
H2 in cold molecular clouds. The cloud mass can be derived if a CO-to-H2 ratio is
assumed.
The electronic excitation of CO produces lines in the far-UV (FUV), and the
transition from the ground to the first excited state is at 1544 Å. These transitions
have been observed in absorption in the spectra of hot background stars (first detection
in Smith & Stecher 1971). The vibrational excitation lines are detected in the IR
(∆υ = 1 − 0 is at 4.67 µm) in absorption and emission toward e.g. disturbed star
formation regions (e.g. Hall et al. 1978; Scoville et al. 1983; Thompson 1985).
The lowest rotational CO transitions are in the mm and sub-mm range. The
lowest transition J = 1 − 0 has the longest wavelength at 2.6 mm, and the high-J
transitions at J ∼ 14 and higher are in the FIR range.
In a typical interstellar environment, CO molecules are in the ground electronic
and vibrational state and in some rotationally excited states due to collisions with
H2 molecules. The rotational states are sensitive to temperatures of T ≃ 3J2 K and
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densities of n ≃ 3 × 103J3 cm−3 (Tielens 2005). From this it can be seen that in
cold molecular clouds, the low level transitions (J = 0, 1, 2) are the most important,
and most of the molecules are in fact excited. Levels J ≃ 6, 7 are excited near YSOs
or photodissociation regions (see Sect. 2.5 for the latter). In regions with hot and
dense gas and in shock-heated gas, the high-J (J = 14 and higher) and also the
ro-vibrational states may be excited.
When CO is abundant, the rotational lines will likely be optically thick. In this
case, the line intensities are not related to the number of CO molecules in the line of
sight, hence the observed line intensities do not yield accurate column densities. To
probe the inner regions of clouds where the number densities are higher, optically thin
lines must be used. In the case of CO this means that a less abundant CO isotope
variant should be used. The most abundant CO isotopologue is 12C16O , which is
optically thick in almost all clouds. Typical CO variants are 13C16O , 12C18O , and
to a lesser extent 12C17O and 13C18O .
The CO isotopologue ratios are very sensitive to the environment, but the typical
solar system values for these variants are 12C16O /13C16O ≈ 89 (in the ISM values
60–70 have been measured, e.g. Wannier et al. 1982; Langer & Penzias 1993; Wilson
& Rood 1994), 13C16O /12C18O ≈ 5.5 (higher values have been observed in the ISM,
e.g. Shimajiri et al. 2014), and 12C18O /12C17O ≈ 5 (for Galactic ISM it is ∼ 3.6,
e.g. Penzias 1981). Bensch et al. (2001) first detected 13C17O in ρ Ophiuchi and they
determined for the rare isotopologue ratios 12C17O /13C17O and 12C18O /13C18O in
J = 1− 0 the values 70 and 37, respectively.
In denser molecular clouds also 13C16O becomes optically thick, hence the
molecule traces only the outer layers of the cloud and another isotope has to be used
to probe the cloud core. In general, observations for a given molecule and transition
are most sensitive to gas densities near the critical density, ncrit, which describes the
density where collisions begin to de-excite the upper level before it decays through
radiation. For the 12C16O J = 1 − 0 transition ncrit is approximately 3 × 103 cm−3
in cold clouds.
In order to derive the cloud mass from CO observations, the CO-to-H2 ratio needs
to be known. There are several ways to derive this. A direct method involves observing
the CO lines and H2 lines at the same time. For example, both have UV absorption
lines that can be used to derive the intensities. Both molecules can also be observed
in the NIR where the H2 1− 0 S(1) 2.12 µm and CO υ = 2− 0 lines are seen. Black
& Willner (1984) used this to derive a ratio of CO/H2= 8.2 × 10−5. The CO high-J
and ro-vibrational H2 IR lines in molecular shocks can be used in a similar manner
(e.g. Watson et al. 1985, derive a ratio 1.2 × 10−4).
Other methods for determining the CO/H2 ratio involve measuring the integrated
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intensity of the CO line, ICO, and the H2 column density. These involve evaluating
the H2 column density either via measuring extinction toward a cloud and translating
that into N(H2) using e.g. the N(H)−AV relation by Bohlin et al. (1978), or the
virial theorem to estimate the cloud mass. The CO line is then measured from ICO
for a CO isotopologue that is optically thin. Comprehensive reviews of the CO-to-H2
factor are found in Combes (1991) and more recently in Bolatto et al. (2013).
2.2 Dust
Only one percent of the ISM mass is dust, but the effect it has on the ISM physics
is significant. Dust causes light scattering and absorption in the ISM; together these
phenomena are called extinction. The grain sizes and composition determine the grain
scattering and absorption properties, and these can be studied via observations of the
dust extinction and thermal emission. Models that best explain the observations
indicate that grain radii a range from ∼ 5 Å to ∼ 1 µm, and a typical size of a ∼
0.1 µm is often used. The dust particles are composed of silicates and graphites, but
also large molecules such as polycyclic aromatic hydrocarbons (PAHs) may be present
among the smallest grains. In cold environments gas molecules may deplete onto the
grain surface to create icy mantles. Dust grains have been reviewed in e.g. Mathis
(1990), and Draine (2003).
2.2.1 Extinction
Scattering by large-scale dust structures is seen in three general cases: 1) reflection
nebulae, 2) the diffuse ISM in the Galactic plane which scatters the photons of the
interstellar radiation field (ISRF) and generates the “diffuse galactic light”, and 3)
individual dust clouds which scatter the ISRF. The scattering efficiency factor, Qsca,
depends on the size a of the grains and the wavelength λ. When the particles are
small compared to λ, Qsca ∝ λ−4 which corresponds to Rayleigh scattering. When
a >> λ, Qsca is independent of λ and its value approaches 1. The case where a ≈ λ
is known as Mie scattering which was first solved in quantitative form by Mie (1908).
Because the attenuation of light by dust particles is wavelength-dependent, it
causes selective extinction, reddening, of the observed light. For example, in the NIR
Ks band, the extinction is about 10 % of the extinction in the optical V band when
measured in magnitudes, which makes the longer wavelengths in the NIR an optimal
band to study dense molecular clouds. Figure 2.4 shows two false-color composite
images of the small dark cloud B68. On the left, B68 is imaged in the optical B and
V bands and in the NIR I band. The core appears dark as light from the background
stars is attenuated at these bands. On the right, the V band is replaced with the
NIR K band. The lower extinction in the K band causes the background stars to be
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Figure 2.4: Globule B68. The images are false-color composites of observations
in three wavelength bands. The left image shows globule B68 at visible bands B
(0.44 µm) and V (0.55 µm) and the NIR band I (0.90 µm) in blue, green, and red,
respectively. The right image shows B68 in the B, I and a longer wavelength NIR
K (2.16 µm) band in blue, green, and red, respectively. At longer wavelengths the
extinction in the cloud is lower. Credit: ESO, press release 0102c.
seen at the longer wavelength. The amount of dust in the line of sight can be probed
using reddening (see Sect. 4.3.2).
When studying the dependence of the extinction, Aλ, on λ, the typical quantity
used is the color excess Eλ1−λ2 = Aλ1−Aλ2 . Here Eλ1−λ2 describes how the observed
color (i.e. the difference between two magnitudes at different wavelengths) changes
from the intrinsic color of the star.
Color excess is often normalized to make it independent of the amount of dust in
the line of sight which allows for comparisons between stars. Typically the B and V
bands are used:
Eλ−V
EB−V
=
Aλ
EB−V
−RV = RV (
Aλ
AV
− 1). (2.1)
This ratio of the color excesses is called normalized selective extinction, and RV =
AV/EB−V is the normalized total extinction (or total to selective extinction ratio).
RV has been measured to be 3.1 in diffuse clouds (e.g. Schultz & Wiemer 1975; Sneden
et al. 1978; Savage & Mathis 1979; Whittet & van Breda 1980; Rieke & Lebofsky 1985;
Cardelli et al. 1989), but it can reach higher values of 5.6–5.8 in denser environments
(Cardelli et al. 1989; Fitzpatrick 1999) which may be indicative of grain growth. The
lowest measured RV value is 2.1 (Welty & Fowler 1992). The reddening law A(λ) can
be derived from observations for individual lines of sight. At λ > 20 µm the extinction
goes down toward zero. In the NIR the extinction does not vary significantly with
the value of RV . The extinction then rises toward optical and UV with a small bump
at 2175 Å (for discussion see e.g. Draine 2003).
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Bohlin et al. (1978) derived a relation between the visual extinction AV and the
total hydrogen column density N(H) using Lyα and H2 absorption line spectroscopy
of stars closer than 1 kpc:
N(H)
E(B − V )
=
< N(HI + H2) >
EB−V
=
N(HI) + 2N(H2)
EB−V
= 5.8 × 1021 atoms cm−2 mag−1. (2.2)
This is reduced to a total hydrogen column density N(HI + H2) = 1.9 ×
1021×AV atoms cm−2 mag−1 when RV is the standard value for diffuse clouds
(RV = 3.1). For regions where the hydrogen is fully molecular, such as cold clouds,
the equation becomes N(H2) = 9.4× 1020×AV molecules cm−2 mag−1.
2.2.2 Dust components
Spectroscopic observations have uncovered several spectral features and bands that
dust models need to explain. These are reviewed in e.g. Draine (2003). The most
prominent features seen in extinction curves are the wide bump at 2175 Å due to
possibly graphites; the 9.7 and 18 µm silicate features (Mathis et al. 1977); and the
strong broad emission bands at 3.3, 6.2, 7.7, 8.6, 11.3, and 12.7 µm. The cause of
these latter bands still remains a matter of debate, but the PAH hypothesis will be
used in this thesis.
Leger & Puget (1984) suggested PAHs as the origin of these bands, and Alla-
mandola et al. (1989) presented PAH models in detail. The PAH features have been
reviewed in Tielens (2008). PAHs have been observed in emission in several different
types of objects such as HII regions, planetary nebulae, PDRs, and reflection nebu-
lae, but they have also been observed for the diffuse Galactic emission (Mattila et al.
1996).
An early dust model combining silicates and graphites was formulated by Mathis
et al. (1977). The model adopts a grain size distribution N(a) ∝ a−3.5 using the lower
and upper limits of 0.005 and 0.250 µm. Desert et al. (1990) added PAH particles
to the model. The current widely used model is by Draine & Li (2007) and it uses a
mixture of amorphous silicate grains, carbonaceous grains, and PAHs to produce the
IR emission spectra of dust grains heated by starlight.
The dust models also need to explain the observed thermal dust emission spec-
trum. In the diffuse ISM dust grains are most effectively heated by absorbing photons,
and heating from collisions with the gas atoms or molecules dominates only in dense
dark clouds. In the cores of dense clouds ionization by cosmic rays provides heating.
Dust grains absorb photons particularly in the UV and optical, and they re-emit the
absorbed energy in the infrared over a wavelength range that depends on their size
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Figure 2.5: Emission spectrum of dust in the diffuse ISM. The total spectrum is
marked with a solid line. The typically separated dust components PAHs, VSGs, and
large grains are also indicated. Figure credit: Desert et al. (1990, Fig. 4).
and composition. The emission from different dust components in the diffuse ISM is
illustrated in Fig. 2.5.
Very small grains (VSGs) with sizes of 5–50 Å emit in the MIR and FIR. VSGs
are heated quickly by a single photon absorption to temperatures up to few thousand
Kelvin from which they cool down and approach the equilibrium temperature before
the next photon absorption occurs. The temperature change is large and therefore
VSGs are often called transiently heated particles (Sellgren 1984). Their temperature
is also independent of the distance from the heating source. The large, so-called
“classical” grains have sizes around the upper cut-off limit of the Mathis et al. (1977)
model, 0.1–0.25 µm.
Observations conducted with the Infrared Astronomical Satellite (IRAS) and the
Cosmic Background Explorer (COBE) missions at 12–100 µm and 12–5000 µm, re-
spectively, indicated that the thermal IR emission from dust grains dominates the
sky brightness at 5–600 µm (Draine 2003, and references therein). Two thirds of the
emitted power is at λ & 50 µm, and this contribution can be modeled with grain sizes
a > 0.01 µm and temperatures ∼ 17 K. At λ < 50 µm, ∼ 20 % of the emitted power
comes from the PAH emission bands.
In dark nebulae where the dust temperature is 10–20 K, the observed dust thermal
emission peaks at 300–150 µm, respectively. This emission corresponds to large grains
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(a > 0.01 µm) that are in thermal equilibrium with the radiation field.
Dust grains are not blackbodies but their emission efficiency factor Qem depends
on the wavelength: Qem ∝ λ−1− λ−2. Because of this, the grains emit less efficiently
at longer wavelengths, and they acquire temperatures higher than a blackbody would
have.
The dust mass can be estimated using IR observations. Most of the mass is in
larger grains, indicating that the FIR observations of dust should be used to cover
grains of this size scale. In the FIR the thermal emission is also more likely to originate
from dust than in the NIR/MIR which contains emission from the PAH bands and in
some cases also emission from gas.
2.3 Molecular clouds
The interplay between stars and the ISM will affect the ISM temperature, excitation,
chemistry, and distribution. The ISM is divided into different phases depending on
the gas temperature and excitation, and into different cloud types based on the gas
distribution and density. McKee & Ostriker (1977) introduced a multiphase model for
the ISM that can be refined further to account for different types of environments. For
summaries see Whittet (1992), Dopita & Sutherland (2003), Stahler & Palla (2005),
Tielens (2005), and Draine (2011). Molecular clouds fill only ∼ 0.1 % of the volume of
the Galactic disk, but they contain about 20 % of the mass of the ISM. They are cold
with temperatures of T = 10− 15 K, and have number densities of at least 102 cm−3.
Star formation takes place in the dense cores of cold molecular clouds. These will
undergo gravitational collapse if the gas and magnetic pressure in the core cannot
match the gravitational force of the gas. Molecular clouds can be divided further
into several types based on their typical density, temperature, and size. There is no
uniform classification scheme, and here the goal is not to devise one but to include
the categories that have been often used in the literature whether or not they are
a part of a standard scheme. The categories and parameters collected in Table 2.1
follow the presentations in Stahler & Palla (2005); Snow & McCall (2006) and Draine
(2011).
Dark clouds appear dark against a bright background, and these are reviewed in
Bergin & Tafalla (2007). Diffuse molecular clouds are subjected to an ISRF that
cannot dissociate all the H2 in the cloud. More than 10 % of the hydrogen is in
molecular form, but most of the atomic carbon is ionized. In the surface layer of the
cloud where the ISRF is attenuated the hydrogen is atomic. Translucent clouds are
denser and cooler than diffuse clouds. The carbon is mostly neutral, which affects the
chemistry in the cloud (van Dishoeck & Black 1989; Stark & van Dishoeck 1994).
Dense molecular clouds have an average density of n > 102 cm−3. Almost all
CHAPTER 2. ISM: COMPONENTS AND STRUCTURES 18
Table 2.1: Properties of molecular clouds. Columns 1 and 2 list the AV and total
number density of the cloud. Columns 3, 4, and 5 have typical representative values
for the cloud temperature, mass, and size, respectively.
AV n T M D
(mag) (cm−3) (K) (M⊙) (pc)
Diffuse clouds . 1 100–500 ∼ 50 50 3
Translucent clouds 1–5 > 500 15–50 - -
GMCs ∼ 5 100 15 105 50
IRDCs > 40 > 105 < 25 102–103 1-5
Dark cloud complexes 5 500 10 104 10
Dark clouds, individual 10 103 10 30 2
Globules 10 104 10 10 0.3
of the hydrogen is molecular and the carbon is locked in CO. Their structure is
typically probed with line observations of molecules with suitable critical densities,
stellar reddening, and sub-mm/mm bolometers that measure the dust continuum
emission.
Giant Molecular Clouds (GMCs) are the largest dense structures composed of
molecular gas. The gas in GMCs is distributed in a clumpy manner, but the total
masses of GMCs go up to 105 M⊙ and their sizes range from tens to hundreds of
parsecs. They are also the cradles of star formation for both high- and low-mass
stars (Maddalena & Thaddeus 1985; Dame et al. 1986). The large Galactic molecular
clouds at distances of d ≤ 2 kpc have been reviewed in depth in Handbook of Star
Forming Regions (Reipurth 2008a,b).
Recently, a population of infrared dark clouds (IRDCs) was discovered in the MIR
surveys of the Galactic plane made by the Infrared Space Observatory (ISO) and the
Midcourse Space Experiment (MSX) satellites (Perault et al. 1996; Egan et al. 1998).
IRDCs are seen in absorption against the bright diffuse background in the MIR and
even in the FIR range, indicating that their densities and optical depths are high (e.g.
Carey et al. 2000; Simon et al. 2006; Ragan et al. 2012). Egan et al. (1998) give a
conservative estimate of the extinction at 8 µm to be > 2 mag. IRDCs have been
suggested as sites of high-mass star formation (e.g. Rathborne et al. 2006; Tan et al.
2014). Dark cloud complexes are groups of individual clouds often associated with
GMCs. Typical individual clouds have AV ≈ 10 mag, and they are self-gravitating.
Globules (sometimes called Bok globules after Bok & Reilly 1947) are small clouds
that have regular shapes, well-defined edges and are not associated with larger clouds
like the dark clouds are. Observations show that some globules have embedded IR
sources indicating that star formation takes place in them. We discuss globules in
further detail in Sect. 2.6. Globules are a separate class of objects from the so-called
clumps and cores which are structures within the GMCs (Williams et al. 2000).
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2.4 HII regions
2.4.1 Origin of HII regions
Hot O and B stars that have formed in GMCs ionize the surrounding cloud and form
large HII regions. At the center of an HII region can be a single O or B star or an OB
cluster. The hot OB stars emit Lyman continuum (LyC) photons (λ < 91.2 nm or E ≥
13.6 eV) which will ionize and heat the hydrogen in the cloud. The ionized hydrogen
will eventually recombine with a free electron and emit photon(s) while returning to
the ground state. The dominant optical emission lines from the recombination are
the Hα at 656.3 nm and the Hβ at 486.1 nm. These cause HII regions to be seen
prominently in optical images. The size of the HII region (Strömgren sphere) depends
heavily on its age, LyC-luminosity, and the density of the molecular cloud the cluster
is originally embedded in. HII region sizes vary from less than 0.1 pc up to about
100 pc and the masses associated with them range from ∼ 102 to 104 M⊙.
The smallest HII regions are called ultra-compact HII regions where a young,
recently formed massive star has just started to ionize the surrounding gas and is
not yet visible in the optical range (see reviews e.g. in Churchwell 2002). These will
evolve into “classical” HII regions and further on to diffuse HII regions. Anderson
et al. (2009) have derived properties for a sample of Galactic HII regions that cover
the classical, ultra-compact, and diffuse HII regions.
2.4.2 Strömgren sphere
We will briefly describe the structure and evolution of HII regions. The text is partly
based on Osterbrock (1989).
The photoionizations in an HII region are balanced by recombinations. The optical
depth for the ionizing photons is high and we assume that they will not escape the
HII region (a so-called ionization-bounded HII region). A Strömgren sphere is a
theoretical construct that describes the radius of a fully ionized sphere of uniform
hydrogen gas density (Strömgren 1939), which makes it the simplest model of an HII
region. For gas at a typical HII temperature T = 104 K, the radius of the Strömgren
sphere Rs can be written as
Rs =
(
3
4π
N∗
n2eαrec
(T )
)1/3
= 0.4pc
(
N∗
1049 s−1
)1/3( n(H2)
103 cm−3
)−2/3
, (2.3)
where N∗ is the rate of photons at E > 13.6 eV from the star, ne is the number density
of electrons, αrec the recombination coefficient describing the rate of recombinations
in a volume, and n(H2) is the number density of H2 molecules outside Rs. The
density of the ambient medium is assumed not to change when the ionization front
(IF) moves through the cloud, hence ne = n(H). The recombination coefficient is
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αrec = 2.3× 10
−13 cm3 s−1 at T = 104 K. For a value of N∗ = 1049 s−1 corresponding
to an O6 star, the Strömgren radius for ne = 1 cm−3 is Rs ≈ 70 pc, and for a density
ne = 10
3 cm−3 it is Rs ≈ 0.7 pc.
HII regions also contain elements heavier than H, and UV photons with E >
24.6 eV are capable of ionizing both He and H. Photons released in He recombination
to the ground state can ionize both H and He, and He recombinations to an excited
state can ionize H. Heavier elements can also be ionized depending on their ionization
potentials.
An HII region is also in thermal balance where the heating comes mainly from the
photoelectrons which have kinetic energies of a few eV after they have been ejected
from the H and He atoms. The heating is balanced by the cooling processes such as
collisionally excited line emission from ionized O, N, C, S, and Ne (see e.g. Osterbrock
1989, and references therein). The photoelectron energies are close to the metastable
transition energies in the metal ions. The cross section for the line excitation is
enhanced which causes the line emission to be the primary cooling mechanism. Other
cooling processes in HII regions are recombinations where the hot ionized gas in the
HII region loses the kinetic energy of the recombining electron and radio continuum
emission from free-free emission.
Despite the photoionization and thermal equilibria, the HII region is not static.
The IF defines the edge of the HII region. In the early stages of the HII region
evolution, the radius of the IF is smaller than Rs as there are too few recombinations
to balance out the ionization. The IF then moves outward and approaches Rs. The
IF velocity has been higher than the sound speed inside the HII region, but it slows
down as the radius of the HII regions grows. A pressure-driven shock is created,
because the thermal pressure inside the HII region (T ∼ 104 K) is significantly higher
than in the ambient molecular cloud (T ∼ 10 K). The expansion of the HII region
continues with the shock wave compressing the material into a thin shell. The IF
will continue to expand until it reaches a pressure balance or it reaches the cloud
edge. If the high-pressure gas inside the HII region bursts out from the cloud (so-
called density-bounded HII region), a champagne flow will occur. The speed of the IF
outside the cloud will increase and the diffuse gas flows out of the HII region creating
a plume-like structure (Tenorio-Tagle 1979).
The ambient molecular cloud is in reality clumpy, which causes structures to form
at the inner surface of the HII region. These are discussed in Sect. 2.6.2.
2.5 Photodissociation regions
The inner surface of the HII region where the ambient molecular cloud is dissociated
and ionized is a thin shell called a photodissociation region (PDR). PDRs are regions
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where FUV photons (6–13.6 eV) dominate the chemistry and physics of interstellar
clouds. This definition encompasses all of the atomic and most of the molecular gas of
the Galactic ISM. The term “PDR” was first used in Tielens & Hollenbach (1985). The
detailed PDR structure is determined by the density of the cloud, and the intensity of
the incoming FUV radiation (e.g. Tielens & Hollenbach 1985; Hollenbach et al. 1991;
Draine & Bertoldi 1996). In this thesis, the discussion will be limited to the PDRs
that are at the interfaces between HII regions and dense molecular clouds.
Figure 2.6 shows a schematic view of a PDR on the outer layers of a molecular
cloud. The transition from an HII region to a molecular cloud takes place in the PDR.
O and B stars radiate most of their energy in the UV, and photons with energies
E > 13.6 eV are efficiently absorbed by the HII region as they ionize the hydrogen.
The cloud ionization degree goes to almost zero in a thin layer (∆AV ≃ 0.01 mag) at
the outer surface of the molecular cloud. The ionization front is defined as the depth
where 50 % of the hydrogen is ionized. The FUV photons will also ionize carbon
atoms. The H2 is dissociated mainly via photodissociation which requires photon
absorption at discrete Lyman and Werner band energies. At AV ≃ 1 mag, the H2 self-
shielding becomes strong, and the photons dissociating H2 are severely attenuated.
The photodissociation front lies at the boundary where 50 % of the hydrogen is
molecular. Carbon will recombine to form CO deeper in the cloud (AV ≃ 4 mag),
and oxygen will turn molecular at AV > 10 mag. A good example of the PDR
stratification is the Horsehead Nebula which is both nearby (d ∼ 400 pc) and viewed
edge-on (e.g. Habart et al. 2005).
The in-coming FUV photons will be attenuated in the PDR, which leads to tem-
perature stratification and a layered structure of the gas where the composition, ion-
ization and chemical reactions in a layer will depend on the optical depth τFUV from
the source to the layer. Most of the energy of the in-coming photons goes into PAH
excitation and dust heating (Hollenbach & Tielens 1997). In general, a PDR surface
will emit in fine-structure cooling lines of [OI] 63 and 146 µm, and [CII] 158 µm,
(F)IR dust continuum, PAH emission, and either fluorescent or collisionally excited
H2 rovibrational NIR transitions. Deeper in the cloud CO rotational transitions and
FIR lines of [CI] are important. The gas temperature Tgas on the surface is higher
than the dust temperature Td because dust cooling is more efficient, but deeper in
the cloud Tgas approaches Td. Low rotational transitions of CO trace the cold gas
inside the cloud, and higher transitions and H2 ro-vibrational transitions trace warm
gas on the cloud surface. The line intensities depend on the in-coming FUV intensity
and the density n of the cloud (e.g. Draine & Bertoldi 1996).
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Figure 2.6: Structure of a PDR located at the interface of a molecular cloud and
an HII region. The HII region illuminating the PDR is on the left and the UV flux
penetrates into the molecular cloud on the right. The H+/H transition marks the
ionization front. On the illuminated surface the gas is mostly atomic and the fraction
of molecules grows until oxygen turns from atomic to molecular at O/O2 which marks
the beginning of the molecular cloud (AV ∼ 10 mag). The H2 dissociation front is
inside the PDR at AV ∼ 1−2mag, and the C+/C/CO transition is at AV ∼ 2−4mag.
Figure credit: Hollenbach & Tielens (1997, Fig. 3).
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2.6 Globules
Dark clouds seen in optical images were first catalogued by Barnard (1919) and
Barnard et al. (1927). The term globule was first used by Bok & Reilly (1947) who
identified dark clouds against bright diffuse nebulae in Barnard’s catalogues. These
globules were accompanied by observations of larger isolated globules (Bok 1977)
which are today referred to as Bok globules.
Surveys of small Bok globules cover the whole sky (Clemens & Barvainis 1988;
Bourke et al. 1995a,b), and several more limited surveys have been conducted (see
Reipurth 2008c, and references therein). Due to their small size and simple struc-
ture, globules are ideal places to study star formation in a relatively uncomplicated
environment. Signs of star formation have been detected in roughly one third of Bok
globules (Yun & Clemens 1990, 1992; Henning & Launhardt 1998). Some globules
around OB stars have bright rims which arise when an ionization front drives into the
cloud and photoevaporates the rim (Pottasch 1956, 1958).
Globules can be divided into subcategories based on their morphology (Leung
1985): elephant trunks and speck nebulae, cometary globules (CGs), globular fila-
ments, and dark globules. The first two categories of globules are observed in or
around HII regions and the latter two are isolated from HII regions. Examples of
these globule types are in Fig. 1.1. The CGs, elephant trunks, and speck nebulae are
directly relevant to all the Author’s publications in this thesis and will be discussed
in more detail below.
2.6.1 Cometary globules
CGs were first noted in the Gum Nebula by Hawarden & Brand (1976) and Sandqvist
(1976), and later surveyed also by Zealey et al. (1983) and Reipurth (1983). The CGs
are associated with the Gum Nebula, but they are not attached to any nebulosity.
CG heads are compact with typical sizes of ∼ 0.1− 1 pc, and they have often bright
rims on the side that faces the central region of the Gum Nebula. CGs have also
faintly luminous tails extending from the head and facing away from the center of
the nebula. The tails have lengths ∼ 0.2− 5 pc. The CG masses vary from less than
1 M⊙ to a few 10 M⊙.
The Gum Nebula/Vela is the only region in the sky where such a large number
(∼ 40) of CGs have been detected associated with the same region. The environment
is likely conducive to CG formation, and star formation in these CGs is enhanced
relative to Bok globules (Bhatt 1993; Bourke et al. 1995b). Bourke et al. (1995b)
discussed CGs as a subgroup of Bok globules as CGs were detected twice as often in
ammonia and associated with IRAS sources than the other isolated globules of the
study. However, the exact nature of the Gum Nebula has been under debate. It has
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been suggested to be a ∼ 1.5 Myr old supernova (e.g. Reynolds 1976; Brand et al.
1983; Woermann et al. 2001), and recently, a wind-blown bubble around an HII region
(see Purcell et al. 2015, and references therein). Smaller groups of CGs are observed
e.g. near the Rosette Nebula (e.g. Patel et al. 1993; White et al. 1997), but these have
smaller distances to the central stars than the Gum Nebula globules (25 pc versus
∼ 70 pc in the Gum Nebula).
Two formation mechanisms have been suggested for CGs. In the supernova (SN)
blast scenario a blast wave collides with a spherical cloud, compresses the head, and
drives a dense tail downstream from the blast (Brand et al. 1983). In the case of
radiation-driven implosion (RDI) the UV radiation from the central star(s) photoion-
izes the cloud and erodes the less dense material on the surface while shocks compress
the head (see Sect. 2.6.3 for a detailed description of the RDI process). The SN blast
scenario has been modeled by e.g. Heathcote & Brand (1983), Bedogni & Woodward
(1990), and Horváth & Ziegler (1999); and RDI by e.g. Larosa (1983), Sandford et al.
(1982), Sandford et al. (1984), Bertoldi (1989), Bertoldi & McKee (1990), Lefloch
& Lazareff (1994), and Kessel-Deynet & Burkert (2003). The RDI simulations also
commonly produce stars in the head of the globules. Currently, RDI is the more
favored scenario for CG formation.
2.6.2 Elephant trunks and globulettes
Elephant trunks are long columns of gas and dust that extend radially from the
molecular shell driven by the HII region toward the central star or cluster. They
typically point toward the central stars and have bright rims. The trunks sizes range
from 0.01 to 0.5 pc with masses of ∼ 5− 10 M⊙ (Leung 1985). Examples of elephant
trunks are seen in M16 (e.g. Hester et al. 1996) and the Rosette Nebula (e.g. Schneps
et al. 1980). Observations confirm that the NIR bright rims in the elephant trunks
and the shell are due to fluorescent H2 (Allen et al. 1999; Gahm et al. 2013, Paper
IV).
Numerical models of elephant trunks have suggested a similarity with CGs and
the RDI models. Mackey & Lim (2010) propose that elephant trunks are formed
when a small clump (∼ 15 M⊙, n ∼ 104 cm−3) shadows the ionizing radiation, but
Gritschneder et al. (2009, 2010) emphasize the role of pre-existing density contrasts
due to the initial turbulence of the molecular cloud in the formation of elephant trunks.
Models that do not require initially clumpy material to produce elephant trunks have
also been suggested (e.g. hydrodynamical instabilities and high curvature in the shell,
Chauhan et al. 2011; Tremblin et al. 2012a,b). Star formation in the tip of the trunks
is a common feature in these models.
Minkowski (1949) noted small dark objects in the Rosette Nebula. They were
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smaller than Bok globules, and observations by Herbig (1974) revealed that the dark
objects are small globules shaped like teardrops with short tails pointing away from the
central cluster. These small globules are also called speck globules. After surveying
Hα images of HII regions, Gahm et al. (2007) catalogued ∼ 150 small objects in the
northwestern part of the Rosette Nebula. Their mean radii are ∼ 2.5 kAU (∼ 2"),
masses < 13 MJup (Jupiter mass; i.e. planetary), and the number densities are
n ∼ 104 cm−3 (Gahm et al. 2007, Paper III; Paper IV). Gahm et al. (2007) named the
objects globulettes to highlight their small sizes and morphological similarities with the
larger globules. They are distinctly different from proplyds which are protoplanetary
disks directly exposed to the UV flux from the central stars (e.g. O’dell et al. 1993).
The so-called Thackeray’s globules in the HII region IC 2944 include globules similar
to the Rosette globulettes in size and appearance, but they are not associated with
the dust shell unlike the Rosette globulettes (Reipurth et al. 1997, 2003).
CO observations show that the globulettes and elephant trunks in the northwest-
ern quadrant of the Rosette Nebula move at similar velocities away from the center
of the nebula and form a spherically expanding system (e.g. Schneps et al. 1980;
González-Alfonso & Cernicharo 1994; Dent et al. 2009; Gahm et al. 2013). Herbig
(1974) studied the same Rosette region that contains teardrops and elephant trunks
and suggested based on the morphology that the teardrops pinch off from the tips
of the elephant trunks in the regions. This is supported in Paper III. Because the
globulettes appear to be pinched off from elephant trunks rather than being formed
via cloud collapse, Herbig (1974) concluded that they can have star formation only
with masses of a few 0.1 M⊙. Gahm et al. (2007) computed that the external pressure
confines the globulettes and suggested that globulettes form free-floating planetary-
mass objects. Another method to form free-floating planetary-mass objects in small
clouds in HII regions is to limit the mass available for star formation. Whitworth
& Zinnecker (2004) analyzed small cores within an HII region and concluded that a
core originally capable of forming low to intermediate mass stars would instead form
brown dwarfs or planetary-mass objects due to the photo-erosion that removes mass
from the core. In Paper IV we find that star formation does take place in the Rosette
Nebula globulette/elephant trunk system.
About ∼ 300 globulettes have also been catalogued in the Carina Nebula, where
they seem to be smaller than in the Rosette Nebula with radii less than 1 kAU
(Grenman & Gahm 2014). The smallest Carina globulettes are the densest with n
reaching > 105 cm−3, and Grenman & Gahm (2014) suggest they are further along
in their evolution than the large and less dense globulettes in other HII regions.
Haworth et al. (2015) modeled globulettes as isothermal spheres and showed that
they will eventually impact the molecular shell of the HII region and escape. However,
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White et al. (1997) and Gahm et al. (2013) suggest that globulettes are not isothermal.
2.6.3 RDI and triggered star formation
Studies of the RDI mechanism began in the 1980s with simulations and analytical
studies (e.g. Bertoldi 1989; Bertoldi & McKee 1990; Lefloch & Lazareff 1994). A
qualitative summary of the RDI process is presented based on these studies.
OB stars ignite and begin to ionize the surrounding gas. When denser cores in the
initial molecular cloud become exposed to the UV radiation, the side facing the OB
stars will begin to ionize the edge facing the source of ionization. The effect of the
ionization depends on the strength of the ionizing flux and the density of the initial
cloud core. If the ionizing flux is too low or the cloud density is too high, the cloud is
unaffected by the radiation. A low-density cloud in a strong radiation field will on the
other hand be completely ionized very rapidly. This is called cloud zapping (Bertoldi
1989) or an ionization flash (Lefloch & Lazareff 1994).
In other cases the pressure of the ionized cloud gas creates an isothermal shock
that precedes the IF into the neutral cloud. The ionized gas flows away from the IF
if it has sufficient pressure and a layer of ionized gas will surround the cloud. This
layer is called the ionized boundary layer (IBL), and the gas moves out of the IBL in a
photo-evaporated flow. The ionizing flux from the OB stars maintains the ionization in
the IBL, ionizes neutral matter in the cloud, and photodissociates molecules deeper in
the cloud. The recombinations in the IBL cause a bright rim to be seen in the optical
(bright-rimmed cloud, BRC). The shock propagating into the cloud compresses it
which can then collapse the cloud and even trigger star formation.
When RDI models are applied on CG formation, the process has two stages:
the early collapse phase triggered by RDI, and the cometary phase (Bertoldi 1989;
Lefloch & Lazareff 1994). Lefloch & Lazareff (1994) estimated that the cometary
phase accounts for ∼ 90 % of the CG lifetime. The core collapses onto the symmetry
axis. When the front side of the cloud is compressed, the cloud becomes non-spherical
and the surface normal points the more behind the original cloud center the farther
the surface point is from the symmetry axis. The collapse progresses along the surface
normal and creates an elongated core. The collapse from the beginning to the point of
maximum compression is shown in Fig. 2.7. The collapsed cloud undergoes a series
of re-expansion and recompression before it stabilizes into a cometary shape. The
head of the globule shadows the tail which is comprised of original cloud matter and
matter photoeroded from the head. The entire CG in the cometary phase accelerates
away from the source of the ionization due to the rocket effect (Kahn 1954; Oort &
Spitzer 1955).
Sequential star formation where the ionization front of an OB cluster triggers star
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Figure 2.7: Evolution of the collapse of a cloud with a mass of 20 M⊙ and radius
0.5 pc under RDI. The source of the ionization is at the bottom, and the y- and
x-axes are in parsecs. The evolution is pictured at time t: a) 0.036 Myr, b) 0.126
Myr, c) 0.183 Myr, and d) 0.210 Myr. The contours represent the density and are
separated by ∆ logρ = 0.5. The flux of LyC photons is 2.2 × 109 cm−2 s−1. Figure
credit: Lefloch & Lazareff (1994, Fig 4).
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formation in the surrounding shell was suggested by Elmegreen & Lada (1977). The
shock and ionization fronts from the original OB cluster cause the shell gas to collect
and collapse into a new OB subgroup. This triggering mechanism is linked to higher
stellar masses (Whitworth et al. 1994; Deharveng et al. 2005, and follow-up papers).
In smaller scales, BRCs are modeled with RDI (see Sect. 2.6.1 for a list). Star
formation is a common occurrence in these numerical simulations. Bisbas et al. (2011)
showed that the star formation efficiency and the distance of the star from the cloud
edge depend on the incident ionizing flux in RDI. Observations support the formation
of stars in the tips of elephant trunks and BRCs (e.g. Dopita et al. 1982; Sugitani
et al. 1991; White et al. 1997; Reipurth et al. 1998; Miao et al. 2006; Bowler et al.
2009; Urquhart et al. 2009). M16 is an example of elephant trunks where intermediate
mass YSOs have been observed in the tips of the trunks, and the region has tens of
evaporating gaseous globules (d ≈ 1 kAU) with associated subsolar YSOs observed in
∼ 15 % of them, but no firm evidence of triggered star formation has been observed
in the bodies of the elephant trunks (Hester et al. 1996; McCaughrean & Andersen
2002; Linsky et al. 2007; Indebetouw et al. 2007).
Despite the similarities in the globule morphologies between models and observa-
tions, the contribution of triggering has not yet been conclusively proven.
Chapter 3
Signs of low-mass star formation
Theoretically, the phases from cloud collapse to the formation of low-mass stars have
been studied extensively (e.g. Larson 1969; Shu et al. 1987; Foster & Chevalier 1993;
Masunaga et al. 1998; Masunaga & Inutsuka 2000). A molecular cloud fragments into
gravitationally bound cores. The turbulent, magnetic, and thermal pressure in the
core support it against collapse. When the core becomes gravitationally unstable, it
collapses to form a star (see reviews by e.g. di Francesco et al. 2007; Ward-Thompson
et al. 2007; Luhman 2012; Dunham et al. 2014). This is followed by the protostellar
phase where matter from a surrounding envelope falls onto an accreting circumstellar
disk. The envelope dissipates, but the disk keeps accreting onto the protostar. Finally,
the disk also dissipates, leaving behind the central pre-main sequence star and possibly
a pre-planetary disk.
Star formation takes place inside a dense core, making it difficult to detect the
forming star directly, but its effect on its surroundings can be observed. Theoretical
considerations suggest that the extra angular momentum from the infalling matter
has to be removed from the system, and observations of accreting protostars show
that a possible method for this are powerful bipolar outflows and jets launched from
the protostar-disk system (see Lada & Shu 1990; Bachiller 1996; Ray et al. 2007;
Shang et al. 2007, and references therein). Outflows and jets are an indirect sign of
star formation in a dense core. IR and mm observations of star-forming cores have
led to the classification of the central objects based mainly on their spectral energy
distribution. In the following we give an overview of this classification.
3.1 Spectral energy distribution
Lada & Wilking (1984) observed the embedded stellar population in the dark cloud
ρ Ophiuchi at 10–20 µm. With additional data, they constructed the spectral energy
distributions (SEDs) for the population members from the optical to the MIR. The
SEDs suggested that among the members were sources with typical T Tauri spectra,
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but also sources for which the SED peaks in the IR. They found that in the IR, the
emission from the circumstellar shell had a significant contribution. These results
were formalized by Lada (1987), where the objects were separated into three different
categories (Class I-III) based on the spectral index α:
α =
d log(λFλ)
d log(λ)
, (3.1)
where Fλ is the flux at wavelength λ.
The wavelength range used to determine α is typically somewhere between 1–
100 µm and an often used range is from 2 to ∼ 10–20 µm. Greene et al. (1994)
pointed out so called “flat-SEDs” between Classes I and II. Their classification is
following:
• Class I: α ≥ 0.3,
• Flat-SED: −0.3 ≤ α ≤ 0.3,
• Class II: −1.6 ≤ α ≤ −0.3, and
• Class III: α ≤ −1.6.
The original classification was further expanded by Andre et al. (1993) to include
“true” protostars as Class 0 sources. Class 0 sources are not detected in the MIR,
and by definition their existence is observed indirectly (e.g. by detecting outflows, or
continuum emission at centimeter wavelengths). In the submm, Class 0 sources are
extended but centrally peaked, and the luminosity at λ ≥ 350 µm is more than 0.5 %
of the bolometric luminosity which indicates a bolometric temperature of T < 70 K
(Andre et al. 1993).
The observed emission from an YSO traces radiation from the central source
reprocessed by the surrounding material. The dust in the circumstellar disk is heated
by the star, and the high extinction in the disk obscures the central source. The
SEDs have thus in general two components with black-body spectra, with the disk
component peaking at longer wavelengths as it is colder than the star.
Adams et al. (1987) compared the SEDs produced by theoretical models to the
observations and suggested that the YSO classes form an evolutionary sequence (see
Fig. 3.1). Class 0/I sources are protostars surrounded by a dusty infall envelope.
The disk is heated both by the infall from the envelope and by radiation from the
central source. Class 0 sources are detected only in the mm range, and they have
short lifetimes, a few 104 yr (Andre et al. 2000). Class I sources are best detected in
the MIR but they can also be detected in the Ks band, even though the accretion is
still on-going. Class I stars have lifetimes of 1 − 2 × 105 yr (e.g. Barsony & Kenyon
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1992; Greene et al. 1994). In Class II sources the infall envelope has dissipated but the
IR emission from the disk remains. In Class III sources also the disk has dissipated
and the SED contains only the stellar component. If the protostar-disk system is
viewed face-on, especially the Class II sources can have SEDs which resemble Class
III SEDs, and Class I objects can similarly resemble Class II sources. Class II and
III sources are pre-main-sequence stars, the so-called classical and weak line T Tauri
stars, respectively.
3.2 Outflows and jets
During star formation both inflow and outflow of matter takes place in the cloud.
First signs of the outflow motion were discovered in the 1950s, when Herbig (1950,
1951) and Haro (1952, 1953) observed optical emission lines in small nebulae that
are now called Herbig-Haro (HH) objects. HH objects were recognized as material
shocked by high-velocity gas by Schwartz (1975). They were connected to bipolar
jets originating from young stars in the 1980s (e.g. Dopita et al. 1982; Mundt & Fried
1983). Molecular outflows were first directly observed by Snell et al. (1980), and
noted to be common and especially linked to the embedded YSO phases (Lada &
Harvey 1981; Bally & Lada 1983). Since then, observations have constantly provided
new information on outflows and jets. Bachiller (1996) reviewed bipolar molecular
outflows, and Reipurth & Bally (2001) reviewed HH objects. More recent reviews
have discussed e.g. the process how they are launched from the YSO (Arce et al.
2007; Pudritz et al. 2007; Shang et al. 2007; Li et al. 2014), the observations on jets
(Ray et al. 2007), and the effect of jets and outflows on their surroundings at different
size-scales (Frank et al. 2014).
The outflow motion from young stars is traced via large molecular outflows and
highly-collimated jets (e.g. Snell et al. 1980; Zinnecker et al. 1998). Currently, jets are
thought to originate in an interaction between the accreted matter and the magnetic
fields in the star-disk system, and they are made visible through shocks in the gas
when faster-moving gas overtakes slower gas. Jets consist almost entirely of atomic gas
with velocities of v ∼ 100−1000 km s−1. Molecular outflows consist of ambient cloud
gas that is pushed away from the accreting star by the jets. They are more massive
than jets (typically 0.3 − 100 M⊙, Bally & Lada 1983) and have slower velocities of
v ∼ 1− 30 km s−1.
The molecular outflow expands slowly as it is pushed out and creates a wide-angle
outflow cavity in the cloud. The expansion of the outflow into the cloud is marked
by shocks on the jet axis (distinctly shaped bowshocks), and in some cases in the
outflow cavity walls. The largest outflows extend about 1 pc from the central source
and are typically marked by bowshocks (e.g. Frank et al. 2014). The proper motion
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Figure 3.1: SED and YSO evolution. Left: The SED curves show the SED shape.
The shaded region is a contribution from the central source and the unshaded region
is from the disk. The IR excess is due to the thermal emission of the disk. Right:
The physical structure describes the evolutionary phase of the system. Figure credit:
Malinen (2014, Fig. 2.3).
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of the bowshocks and the evolution of the jet can be measured using multi-epoch
imaging (e.g. Reipurth et al. 2002). Both the low- and high-mass star formation
process produce outflows (Arce et al. 2007), but the emphasis in this thesis will be
on the properties of outflows and jets from low-mass stars.
Because the jet and outflow formation are linked and spurred on by star formation,
the jet and outflow properties and also their physical environment changes as the
central star evolves. The wavelength range where jets and outflows are primarily
observed therefore depends on the evolutionary stage of the central star.
Molecular outflows have been detected especially from YSOs that are in the first
stages of protostar formation (Class 0 and I) (e.g. Andre et al. 1993). Early surveys
in CO lines in the mm range first indicated that molecular outflows are a common
phenomenon linked to young stars (an early catalog of molecular outflows is listed in
Lada 1985).
During the Class 0 and I phases the protostar is heavily embedded in the cloud
and the observations are limited to longer wavelengths such as the mm and IR ranges.
The mm range allows for CO observations where extended wings in the line profiles
are a typical outflow signature. In the embedded phase, observations reveal shocked
molecular hydrogen objects (MHOs) in the H2 1 − 0 S(1) line at 2.12 µm which is a
typical shock tracer (see Sect. 2.1.1). The 2.12 µm line is a very frequently used line
to discover and map outflows (e.g. Zinnecker et al. 1998; Stanke et al. 2000, 2002,
and references therein). Unlike HH objects, MHOs are not seen in the optical, but
both objects are produced by shocks which suggests a similar origin (e.g. Davis et al.
2010). In the NIR and MIR, along with H2 lines, [FeII] lines are also typically used as
tracers of embedded shocks (e.g. Noriega-Crespo et al. 2004; Caratti o Garatti et al.
2006). The Spitzer Infrared Array Camera (IRAC) instrument has been important in
expanding the outflow studies into the MIR (e.g. Noriega-Crespo et al. 2004; Smith
et al. 2006; Walawender et al. 2006; Ybarra & Lada 2009; Takami et al. 2010). In the
mm, SiO released from shocked dust grains traces molecular gas (e.g. Richer et al.
2000).
In Class II and III YSOs the original cloud has been dispersed and the visual
extinction around the star is lower. Molecular outflows become relatively weaker as
the ambient gas is blown away (e.g. Chernin & Masson 1995), and the optical emission
lines become observable. The neutral atomic and shocked ionized matter is observed
in optical/UV emission lines such as Hα and other hydrogen Balmer lines, [SII], [NII],
[OI], [OII], [OIII], [CIII], and [CIV]. These are commonly used to determine the shock
excitation (Raga et al. 1996). The shocked HH objects are observable manifestations
of the shocks which the jet produces, and their morphology differs based on their
location in the jet. Often a series of knots is seen along the jet axis (an HH jet) and
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the jet often terminates in a bowshock (HH object) or a series of bowshocks.
In addition to the mm, IR, and optical line emission, outflows can be traced with
free-free emission from ionized gas at cm wavelengths, and in the 21 cm HI line to
trace the neutral hydrogen. Fig. 3.2 shows the typical outflow and jet tracers. The
suitable tracers depend on the shock velocity which controls the degree of ionization
in the out-moving gas. In the outflows, low-J states of CO are thermally excited at
T ∼ 10 K which is the ambient gas temperature. The [OI] and [CII] lines arise in the
post-shock gas with T ∼ 20−200 K and the high-J CO lines, H2 and OH in the post-
shock gas with T ∼ 200 − 2000 K. The optical lines of neutral and ionized forbidden
lines are detected in HH objects and form behind faster shocks (v ≥ 30 km s−1).
Slower velocity shocks excite the [FeII] lines in the NIR. At higher shock velocities
more energetic phenomena (dissociation, collisional ionization, UV from hot plasma)
will become important.
The morphology of the natal cloud, location of the young star within the cloud, and
the inclination of the outflow all contribute to the situation that is observed. In some
objects the molecular outflow is observed along with HH objects (e.g. Bachiller 1996;
Reiter et al. 2015, and references therein). Especially in objects where an outflow lobe
breaks out of the natal cloud, HH objects trace the lobe outside the cloud. Examples
of this are e.g. the L1551 outflow (Cudworth & Herbig 1979; Snell et al. 1980) and
the HH46/47 outflow (Chernin & Masson 1991; Olberg et al. 1992). Because of the
obscuring natal cloud, some outflows are observed as monopolar where most often the
blueshifted lobe is observed and the redshifted lobe behind the cloud is not (e.g. Bally
& Lada 1983). For optically observed asymmetric HH jets the receding lobe can be
observed in the NIR (e.g. HH 111, Gredel & Reipurth 1994). In a region where star
formation is clustered or binary stars are formed, multipolar outflows are detected
(e.g. HH 111, Cernicharo & Reipurth 1996). The central OB stars in an HII region
or a nearby A/B stars can strip the natal cloud matter from the YSO and expose the
star-disk system to the external UV radiation. The UV photons irradiate the outflows
and render them visible through photoexcitation which allows for more detailed study
of the outflow than shock excitation (e.g. Bally et al. 2007, and references therein).
Some examples of this are seen in the Horsehead Nebula (Reipurth et al. 1998), the
Pelican Nebula (Bally & Reipurth 2003), and the Carina Nebula (Smith et al. 2010).
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Figure 3.2: Typical jet and molecular outflow tracers. The degree of ionization of
the emission lines is shown as a function of shock velocity. The low shock velocity
lines are seen in molecular outflows and the lines at higher velocities in jets and HH
objects. Figure credit: Reipurth & Bally (2001, Fig. 13).
Chapter 4
Observational and data analysis
methods
4.1 Observing ISM using Spitzer and other IR satellites
4.1.1 IR imaging
Recent large space-borne missions such as Spitzer and WISE have made observations
in the MIR and FIR ranges. The Spitzer IRAC instrument covers imaging in four
MIR bands at 3.6, 4.5, 5.8, and 8.0 µm (Fazio et al. 2004), and the Spitzer Multiband
Imaging Photometer for Spitzer (MIPS) covers three FIR bands at 24, 70, and 100 µm
(Rieke et al. 2004). The WISE satellite imaged the whole sky at 3.4, 4.6, 12, and 22 µm
(Wright et al. 2010). Before these missions the IRAS satellite surveyed the whole sky
at 12, 25, 60, and 100 µm. The Herschel Space Observatory imaged wavelengths from
FIR to sub-mm (60–500 µm) (Pilbratt et al. 2010).
A comparison with Fig. 2.5 and the listed bands above shows that emission from
PAHs is seen in the Spitzer IRAC bands 3.6, 5.8, and 8.0 µm, and the WISE bands 3.4
and 12 µm. Flagey et al. (2006) used IRAC observations to investigate the amount
of PAH emission in the diffuse ISM. Thermal emission from VSGs is observed in the
MIR/FIR, so a contribution from them is seen best in the Spitzer MIPS 24 and 70 µm
bands, and in the IRAS 25, 60, and 100 µm bands. Large cold grains are strongest
in the IRAS 100 µm and Herschel bands.
The IRAC bands are sensitive also to emission lines from molecules (e.g. H2, CO)
and to NIR continuum emission (e.g. Smith & Rosen 2005; Flagey et al. 2006; Smith
et al. 2006; Ingalls et al. 2011). Line emission is also observed in the NIR JHKs bands
where light scattering is a further factor (Lehtinen & Mattila 1996).
IR images at sufficient resolution are well-suited for studying outflows and jets.
A remarkable example is the HH 46/47 where the collimated jet and the wide-angle
outflow are both observed with Spitzer (Velusamy et al. 2007). Shocked H2 from HH
objects is seen in the IRAC 3.6 and 4.5 µm bands (Takami et al. 2010), and the low
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Figure 4.1: Rosette Nebula globulette RN 114 in false-color. The IRAC 5.8 µm image
representing PAHs is in red, and the SOFI H2 2.12 µm image is in cyan. The IRAC
image has artefacts going from southwest to northeast.
PAH emission in the 4.5 µm band which allows the use of the 4.5 µm band to diagnose
the origin of IR emission as shocked H2, rotational H2 lines, vibrational CO lines, PAH
emission, or scattered light (e.g. van den Ancker et al. 2000; Noriega-Crespo et al.
2004; Smith et al. 2006; Velusamy et al. 2007; Takami et al. 2010; Tobin et al. 2008;
Qiu et al. 2008).
Figure 4.1 shows the Rosette Nebula globulette RN 114 in the IRAC 5.8 µm and
SOFI 2.12 µm bands. The IRAC image represents the PAH particles and the SOFI
image the fluorescent H2. Because A5.8 µm ≈ 0.2A2.12 µm (Mathis 1990), the photons
at the longer wavelength penetrate deeper into the cloud, and the PAH emission is seen
closer to the globulette core. However, the PAH emission does not come significantly
deeper from the cloud than the H2 emission, which indicates that the globulette is
very dense already at the cloud surface. In Paper IV we measure number densities
n(H2) ∼ 10
4 cm−3 for the globulettes.
4.1.2 IRAC color-color diagrams
The IRAC [3.6]-[4.5], [5.8]-[8.0] color-color diagrams are a useful tool for determining
the YSO class. Selection criteria for the YSO IRAC colors have been listed based on
SED modeling (e.g. Allen et al. 2004; Megeath et al. 2004; Poulton et al. 2008) and
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Figure 4.2: Scheme of IRAC colors of the YSO classes. The lines are from Poulton
et al. (2008) and the regions of different YSO classes have been marked. Figure
adapted from Paper IV.
observations (Gutermuth et al. 2008; Ybarra et al. 2013). The locations of YSOs in
the [3.6]-[4.5], [5.8]-[8.0] diagram are marked in Fig. 4.2. Koenig & Leisawitz (2014)
devised a similar scheme for WISE data even though WISE was not optimized for
such tasks.
Similar IRAC color-color diagrams and selection criteria have been made also for
shocked and fluorescent H2 and PAHs (Gutermuth et al. 2008; Ybarra & Lada 2009;
Ybarra et al. 2014).
4.2 SED fitting tool
Robitaille et al. (2007) have constructed an online SED fitting tool. The tool is
pre-programmed with bandpasses from several often-used instruments and 200 000
pre-calculated model SEDs. The observations are fitted with a model with the lowest
χ2. The user provides the stellar flux values in different bands, and the distance and
foreground AV ranges for the star. The tool provides detailed output of the models
best fitting to the input data.
However, uncertainties in the fit arise due to uncertainties in the user input values,
a sparsely sampled SED, and poorly chosen aperture values, but also due to the
system properties such as the disk inclination and the possible multiplicity of the
system (Robitaille et al. 2007; Whitney et al. 2003b,a). When lacking information of
the original YSO and its system, the fitted mass and age have to be considered an
order of magnitude estimate.
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4.3 Measuring the cloud column density
There are several methods to determine the column density of a molecular cloud:
• Star counts (in the optical, e.g. Wolf 1923; Barnard et al. 1927, or NIR)
• Thermal dust emission (in the FIR, e.g. Schlegel et al. 1998)
• NIR scattering (“cloudshine”, e.g. Lehtinen & Mattila 1996; Foster & Goodman
2006; Padoan et al. 2006; Juvela et al. 2006, 2008)
• Stellar reddening in the NIR (e.g. Lada et al. 1994; Lombardi & Alves 2001;
Lombardi 2009)
• Integrated emission line intensity (typically CO or HI; e.g. Dickman 1978)
• MIR absorption in dark clouds against a bright background (e.g. Egan et al.
1998; Hennebelle et al. 2001)
• Optical absorption in dark clouds against a bright background (e.g. in HII
regions, McCaughrean & O’dell 1996; Reipurth et al. 2003; Gahm et al. 2007)
• X-ray absorption against a bright X-ray background (e.g. Burrows & Menden-
hall 1991; Lu & Aschenbach 2000)
The optimal observational applications and limitations of several of these methods
are discussed in e.g. Juvela et al. (2006). In this thesis we use molecular tracers (CO,
Paper I) and stellar reddening (all Papers) to estimate cloud column density.
4.3.1 Molecular tracers
The formulation of deriving the CO column density N(CO) has been presented in
several papers that discuss how it can be further used to derive N(H2) (e.g. Dickman
1978; Frerking et al. 1982; Harjunpää et al. 2004; Pineda et al. 2008; Bolatto et al.
2013). A general presentation on calculating molecular column densities is in Mangum
& Shirley (2015).
The 12C16O molecule is so prevalent that it is optically thick almost everywhere.
In denser molecular clouds 13C16O is also optically thick, and 12C18O is used to mea-
sure the column density.
Especially the small size of the globulettes causes practical concerns as their beam-
filling is much lower than 1. The observations indicate that the peak antenna tem-
peratures from the J = 3 − 2 and 2 − 1 transitions are nearly the same for both
12C16O and 13C16O independent of the size of the globulette. However, the higher
transition has a smaller beam full width at half maximum (FWHM) and therefore a
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larger beam-filling factor. In Paper III we modeled the globulette beam-filling as a
disk observed with a Gaussian beam. Typical dark clouds have less dense envelopes
surrounding the core, but globulettes are dense already on the surface (Sect. 4.1 and
Paper IV). The model disk size corresponds to the optical size of the globulette. Hence
the smaller the globulette is, the larger the J = 3− 2 beam-filling compared to 2− 1
is, and the stronger the 3− 2 emission should be if the 3− 2 and 2− 1 emission trace
the same volume of gas. Because globulettes are subject to the ionizing radiation
from the OB stars in the center of the Rosette Nebula, the globulette surface facing
the center is heated. This would cause the CO transitions to trace different volumes
of gas with the 3− 2 line emitted mainly from the warmer surface layer and the 2− 1
line from the colder core. A model with a hot thin shell and a cold core can explain
the constant CO line ratios (Paper III).
4.3.2 NICER: extinction mapping
The primary method for mapping dark clouds was originally star counts where the
number of stars in the observed field in a photographic image were compared to
an unobscured control field and the difference was converted into extinction (several
different approaches are listed in Bok & Cordwell 1973). Also radio observations of
molecular tracers of H2 have been used to map clouds, e.g. CO, CS, NH3, HCN+,
but these are often limited to a single cloud. Since the introduction of improved NIR
detectors in the early 1990s, observations allowed the detection of more stars due to
the lesser extinction in the NIR compared to optical, and the coverage of larger regions
of the sky. Multiband observations allow the use of color excesses of background stars
to study the extinction.
Lada et al. (1994) first developed the Near-Infrared Color Excess (NICE) method
that uses the H −Ks color to statistically estimate the reddening in a large sample
of stars in the same direction of the sky. An unreddened reference field provides
the intrinsic stellar colors, and the line-of-sight extinction to each star can be then
derived using Eq. 2.1. The individual values of color excess are then used to produce
an AV map which is directly related to the dust and gas column density via Eq. 2.2.
This method has a better mapping resolution than what is provided by typical radio
observations or star counting methods if the region has enough background stars, and
it can probe larger optical depths than optical star counting techniques because the
extinction in the NIR is significantly smaller.
A refined version of the NICE method is the Near-Infrared Color Excess Revisited
method (NICER, Lombardi & Alves 2001) which generalizes the method to be used
with any multiband data. In light of the large surveys, e.g. the 2MASS (Skrutskie
et al. 2006), UKIDDS (Lawrence et al. 2007), and the ESO VISTA surveys (Arnaboldi
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et al. 2007), especially the J −H and H −Ks colors are a very useful and powerful
tool. The use of several bands reduces the noise that comes from the magnitude
estimates when using only two bands, and NICER introduces a method to remove
possible foreground stars which are bluer than the stars behind the molecular cloud
and thus contaminate the AV estimates. In the following, the Lombardi & Alves
(2001) formalism is used.
Using observations of stellar magnitudes at three bands, two independent colors
can be computed. In the case of JHKs, this means that the colors c1 = J −H and
c2 = H − Ks can be computed. In the general case of i bands, the observed colors
cobsi and intrinsic (unreddened) colors c
in
i can be related through
cobsi = c
in
i + kiAV + ǫi (4.1)
where ki is the ratio between the color excess in band i and the V band extinction
(Ei/AV), and ǫ describes the photometric error of the colors cobsi . The ki values
in Eq. 4.1 depend on the assumed reddening law. Lombardi & Alves (2001) use
k1 = 1/9.35 and k2 = 1/15.87 for JHK observations. In Paper II, we compare the
reddening laws from Mathis (1990), Rieke & Lebofsky (1985), and Bessell & Brett
(1988). In the resulting AV map the absolute values are affected, but the relative
differences between pixels remain as Eq. 4.1 indicates.
The extinction estimate for a single star when limited to linear estimators is of
the form
AˆV = a+ b1c
obs
1 + b2c
obs
2 . (4.2)
The coefficients a, b1, and b2 need to satisfy two conditions: the estimator has to
be unbiased (the true AV is the expected value), and the estimator has minimum
variance. The variance of the estimator is
Var(AˆV) =
∑
i,j
bibjCovij(c
in) +
∑
i,j
bibjCovij(ǫ). (4.3)
The covariance matrices represent noise sources. Covij(cin) holds the scatter of in-
trinsic stellar colors. In the NIR, the scatter is relatively small, but unknown. It can
be however estimated using an unreddened reference field near the original field. The
latter matrix, Covij(ǫ), describes the photometric errors and is individual for each
star. If the errors for the JHKs magnitudes of the stars are know, it can be easily
computed.
The full derivation of the optimal AV estimator for a single star is presented in
Lombardi & Alves (2001). The result is
AˆV = b1(c
obs
1 − 〈c
in
1 〉) + b2(c
obs
2 − 〈c
tr
2 〉), (4.4)
CHAPTER 4. OBSERVATIONAL AND DATA ANALYSIS METHODS 42
where b1 and b2 are derived from minimizing the variance and ctri are the intrinsic
colors measured in the reference field. If observations in one band are missing, a
random magnitude value can be assigned and the corresponding photometric error is
set to a very large value to suppress the use of the band.
The individual estimates of AˆV are used to derive a regularly sampled AV map
by spatially smoothing the data. The smoothing method determines the signal-to-
noise ratio of the final map and evaluates which observed stars are background stars.
We have used the weighted mean method to smooth the map and sigma-clipping to
remove possible foreground stars as described by Lombardi & Alves (2001).
The weighted mean method derives the AˆV value for a specific direction θ by using
a weighted mean of the AˆV values angularly close to the chosen direction (e.g. the
center of a pixel in the AV map). For each direction θ, the star n in the position θn
contributes to the AˆV estimate with a weight
W n =
W (θ − θn)
Var(AˆnV)
, (4.5)
where AˆV is the visual extinction of the nth star. The weighting function W (θ− θn)
is typically a Gaussian where the chosen width (FWHM) determines the effective
resolution of the resulting map. Because the stellar density of the field is fixed by the
observations, the choice of the FWHM also determines the signal-to-noise resolution.
A large value of FWHM will produce a good signal-to-noise ratio with large pixels, and
a low value a poorer signal-to-noise ratio but a higher resolution. The data determine
the appropriate FWHM value to use.
The total AˆV estimate in the direction θ is then
AˆV(θ) =
∑N
n=1W
nAˆnV∑N
n=1W
n
, (4.6)
where the summation goes over all observed stars N in the field. The summation
means that all observed stars contribute to the AˆV estimate at any given point of
the map. The weight of the star depends both on the distance of the star from the
direction where the AV is evaluated and the size of its AˆV error.
The estimate for the error σAˆV at θ is given by
σ2
AˆV
(θ) =
∑N
n=1(W
n)2Var(AˆnV)∑N
n=1(W
n)2
. (4.7)
In sigma-clipping, AˆnV and σAˆV are first evaluated at θ for all stars. If the extinction
of the star, AˆnV, differs from AˆV by more than a chosen value of σAˆV , the star will
be removed from the dataset. The AˆV is re-evaluated and the iteration is continued
until no stars are removed from the dataset. In addition to removing the foreground
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stars, sigma-clipping may also remove individual background stars if their reddening
is very high compared to the nearby stars, e.g. in the direction of a very dense core
or in the case of very small, dense cloud such as the globulettes.
Another alternative method to smoothing the AV map that Lombardi & Alves
(2001) suggest is the weighted median. This method is robust against outlier values
as the foreground objects are excluded efficiently, but the noise properties become
more difficult to study than in the case of sigma-clipping.
The NICER method has been widely used to map different types of clouds and it
is currently a standard mapping technique. The best examples may be the wide-angle
surveys of the large molecular clouds such as the Pipe Nebula (Lombardi et al. 2006),
the Ophiuchus and Lupus complexes (Lombardi et al. 2008a), and clouds in Orion
and Monoceros, e.g. the Rosette Nebula (Lombardi et al. 2011). The NICER method
has been developed further to include galaxies in the extinction maps (GNICER,
Foster et al. 2008), and to remove the bias that the small-scale substructure causes
(NICEST, Lombardi 2009).
4.3.3 Considerations when using NICER
The NICER method is robust, but suffers from certain limitations. Notable factors
are the foreground stars whose amount in the field depends on the distance and the
Galactic latitude of the cloud. In the nearby (d < 200 pc) clouds their effect is
small (Lombardi et al. 2008b), and in regions where the density of the cloud is high,
they are easily identified and removed (Lombardi & Alves 2001). Another factor is
the possible small-scale structure in the cloud that causes a selection effect. If a
steep density gradient falls inside the Gaussian beam, all the lower extinction stars
in the beam are detected but to detect all the stars at higher extinctions deeper
observations are required. This preference to observe stars at lower extinctions biases
the AV estimate to lower values (Lombardi 2005; Lombardi et al. 2006).
The collected data should also be carefully inspected so that NICER can be per-
formed on them. The reference field needs to be checked for possible non-foreground
reddening, because NICER assumes that the chosen reference field has no reddening
and computes the intrinsic colors based on this. The colors in the observed field are
then compared to the reference field colors, which in fact gives the relative extinction
between the observed and reference fields. If the reference field suffers from reddening,
the extinction estimates for the observed field are too low, as NICER takes the larger
reddening to be the control value and removes it. The reddening in the reference field
can be checked using the J −H, H −Ks diagram.
The AV map resolution is limited by the stellar density in the observed field, but
this can be countered to some extent by deeper observations (the 2MASS S/N=10
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limiting magnitudes are 15.9, 15.0, and 14.3 for J , H, and Ks, respectively, Skrutskie
et al. 2006). This should be considered especially at high galactic latitudes where
the stellar density is low. Individual objects with a high intrinsic reddening such as
YSOs embedded in a cloud and additionally surrounded by a circumstellar disk will
bias the AV toward larger values, because NICER does not separate the interstellar
and circumstellar AV. YSOs can be identified through the use of other data such
as large YSO catalogs, detecting other signs of on-going star formation, or plotting
them into a J −H, H −Ks diagram (e.g. Allen 1973; Allen & Glass 1974; Rydgren
et al. 1976). In a J −H, H −Ks diagram the unreddened main-sequence and giant
stars will follow a curve defined by their spectral types in the diagram (e.g. Bessell
& Brett 1988). Reddening moves stars along a reddening vector EJ−H/EH−K which
is defined by the chosen NIR reddening law. YSOs with a circumstellar disk have
NIR-excess and they will be located below the section where main-sequence and giant
stars can move. Classical T Tauri stars (Class II YSOs) have a narrow locus in the
J −H, H −Ks diagram as defined by Meyer et al. (1997).
In the case of a spatially small molecular cloud, e.g. the globulettes studied in
papers Paper III and Paper IV, the sample of stars behind the cloud may be as small
as one star. This will dilute the observed cloud AV because the Gaussian beam gives
a relatively large weight to the stars outside the cloud and the cloud will not appear in
the map. The cloud AV will also be uncertain because using only one star to estimate
the AV will produce a large signal to noise ratio. The column density in the line of
sight can be estimated for an individual star using either the AV given by NICER, or
estimating the AV from the J −H, H −Ks diagram with the help of the reddening
vector. This is an order of magnitude estimate as the AV error or the spectral type
of the star are not known well.
Chapter 5
Summary of the publications
This thesis consists of five peer-reviewed papers which are summarized below. The
contribution of the author has been listed in Sect. 5.6. Figure 5.1 shows objects
observed in Paper I–Paper V.
5.1 Paper I - Star formation in Cometary Globule 1: the
second generation
Paper I focused on studying the “head” of the archetypal cometary globule CG 1
located in the Gum Nebula. The aim was to discover possible embedded stars and
map the ISM distribution in the CG head. The pre-main-sequence binary star NX
Puppis lies just outside the globule head on the side of the Gum Nebula center, and
it has been suggested that it was formed in the globule.
NIR broadband imaging at JsHKs; narrowband imaging at 2.09 µm and H2
1 − 0 S(1) 2.12 µm; and NIR spectroscopy were conducted with ESO’s SOFI in-
strument at the New Technology Telescope (NTT), La Silla. In addition to the
jittered SOFI JsHKs imaging, on-off broadband JHKs imaging was performed with
the Simultaneous InfraRed Imager for Unbiased Survey (SIRIUS) instrument on the
InfraRed Survey Facility (IRSF) telescope at the South African Astronomical Obser-
vatory. Swedish-ESO Submillimeter Telescope (SEST) C18O J = 1 − 0 and 2 − 1
observations were also used in the analysis. An embedded YSO was found in the
head. The YSO is completely obscured at Js and the estimated AV in its direction
is at least 50 mag. Bright nebulosity in the H2 2.12 µm filter was observed in the
direction of the YSO, and H2 and Brγ lines were observed in the spectrum over the
YSO and the nebulosity. A molecular hydrogen object (MHO 1411) which is a likely
obscured HH object was detected 90” west of the YSO. The total mass of the head is
16.7 M⊙ at 300 pc based on the H2 column density. Filamentary structures extend
out from the YSO in the NIR images. If NX Pup truly was formed in CG 1, the
observed YSO is a second generation star formed in the cloud.
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Figure 5.1: Observed objects in the included papers. Upper row: CG 1 imaged in Js,
H, and Ks with SOFI (left), and the head of CG 1 imaged in the IRAC 3.6, 4.5, and
8.0 µm bands (right). The white boxes mark the overlap between the images. Middle
row: The Rosette Nebula shell, trunks, and globulettes in H2 (left) and continuum-
subtracted H2 (right). Lower row: The Rosette Nebula imaged in the optical (credit:
Canada-France-Hawaii Telescope). The white boxes mark the fields shown in the
middle row and observed in Paper IV and Paper V. See Figs. 1.1 and 4.1 for images
of CG 2 and the globulette RN 114, respectively.
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The C18O emission has a sharp maximum southwest of the YSO, and based on line
velocity and excitation temperature, the C18O distribution can be separated into three
regions: southeast, northwest and center of the YSO. The integrated C18O line emis-
sion does not follow the AV distribution because of variations in the C18O excitation
temperature. A possible cause for the varying excitation temperature is the radiative
heating from NX Pup and the interaction of the YSO with the natal cloud. The
C18O data do not show signs of a strong molecular outflow from the YSO. HIRES
enhanced IRAS images resolve into two components: at 12 and 25 µm the main source
of the emission is NX Pup and at 60 and 100 µm it is the YSO.
5.2 Paper II - Star formation, structure, and formation
mechanism of cometary globules: near-infrared ob-
servations of CG 1 and CG 2
In Paper II, we study the classical cometary globules CG 1 and CG 2 in the Gum
Nebula as a follow-up of Paper I. We study their structure and search for star forma-
tion in order to find clues of their formation mechanism. Two possible mechanisms,
RDI and a supernova blast, will distribute the major part of the mass either in the
head or the tail, respectively.
Both CGs were imaged in NIR broadband filters, in JHKs on-off mode with
SIRIUS and JsHKs jittering mode with SOFI, and the NIR photometry was used
to create AV maps to study the CG large-scale structure. Archival MIR images from
WISE and Spitzer and the HIRES-enhanced FIR IRAS images were used to study the
small-scale structure. In CG 2, the IRAS and WISE data also reveal that its tail is
longer than what is seen in the optical images that were used for reference and hence
the tail is not covered fully by our NIR observations.
The YSO discovered in the head of CG 1 in Paper I is named CG 1 IRS 1, and
based on SED fitting, we estimate it to be a Class I YSO. We find two additional
NIR-excess objects in the direction of CG 1 tail and one in the direction of CG 2.
CG 2 IRS 1 is located in the globule head and it is the first sign of star formation in
CG 2. Spitzer IRAC images reveal that the filaments detected around CG 1 IRS 1 in
Paper I are outflow cavity walls seen in reflected light in the NIR and Spitzer 3.6 and
4.5 µm images. Emission from PAHs and VSGs is detected in the CG 1 tail.
The masses of the total observed CG area and the CG head are 41.9 M⊙ and
16.8M⊙ for CG 1 and 19.1M⊙ and 31.0M⊙ for CG 2. However, the second generation
star formation taking place in the head of CG 1 distorts the original mass ratio, and
in CG 2 we cannot fully evaluate how much mass is in the tail in the area that
was not covered by our study. Because of this we cannot draw firm conclusions on
the CG formation mechanism, but considering the star formation history, the mass
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distribution of CG 1 is indicative of RDI. In CG 2 further observations of the tail
are needed to determine the formation mechanism but the current observations are in
accordance with RDI. Despite the similar masses of the CGs, CG 1 has experienced
more efficient star formation.
5.3 Paper III - Mass and motion of globulettes in the
Rosette Nebula
Previous investigations have revealed tiny molecular clumps in HII regions surround-
ing stellar clusters. They appear in optical images as dark spots against the bright
nebular background. These clumps are called globulettes. Based on optical studies
the majority have planetary masses and the largest have M & 0.5 M⊙. Some appear
to have tails, but most do not.
In Paper III we observe globulettes in the Rosette Nebula where they appear
alongside elephant trunks. The aim is to derive densities, independent mass estimates,
and velocities in order to study the origin and evolution of globulettes. A selection of
globulettes and positions in the dust shell around the Rosette Nebula central cluster
were observed in 12CO and 13CO J = 3−2 and 2−1 transitions using ESO’s Atacama
Pathfinder Experiment (APEX) telescope at Llano Chajnantor, Chile. The 12CO and
13CO 1 − 0 transitions were observed at Onsala Space Observatory, Sweden. The
northwestern quadrant of the Rosette Nebula was imaged in broadband JHKs filters
in the on-off mode and in several narrowband NIR filters with SOFI.
We detected almost all selected globulettes in CO. The observed 12CO line temper-
atures are in the range of 0.6–6 K, whereas the 13CO T ∗A line temperatures are about
a third of this. Most objects show narrow lines, ∼ 1.0 km s−1. The gas motions
inside the globulettes are weak, but in some of the larger globulettes velocity-shifted
components are associated with the tail. The globulettes are dense with a typical
number density of 104 cm−3. They have a thin layer of fluorescent H2 emission. From
the NIR imaging we can determine that the density is high already on the globulette
surface. Modeling suggests that the globulettes have a cool, dense center and a warm
surface. The models indicate average masses of about 50–500 MJup which agree with
the results from the optical study. The complex of globulettes, elephant trunks, and
shells is expanding at ∼ 22 km s−1 relative to the center of the nebula and the glob-
ulettes have a very small velocity spread. The background shell velocities were also
observed and they do not fit into the view of a spherically expanding nebula. Based
on the SOFI NIR photometry, no NIR-excess stars observed in all three bands are
associated with globulettes. Pronounced bright rims are seen in some objects.
Some globulettes are connected to the elephant trunks by thin filaments, some
are in the process of detaching, and some are isolated and lag behind in the shell
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expansion. We suggest that globulettes are formed by detaching from the tips of
elephant trunks or shell features. After they detach, the photoerosion caused by the
central OB stars takes over and shapes them into isolated dense clumps. The dense
cores observed in several objects suggest that free-floating planetary-mass objects or
brown dwarfs might form in globulettes and escape from the region.
5.4 Paper IV - Rosette globulettes and shells in the in-
frared
In Paper IV we continue the study of the Rosette Nebula region we studied in Paper
III.We focus on the SOFI NIR data we obtained and add one SOFI field to the dataset.
All five fields are imaged in broadband JHKs in on-off mode, and jittered narrowband
Pβ, 2.09 µm continuum, and H2 1 − 0 S(1) 2.12 µm. Two of the fields are observed
also in jittered JsHKs and additional Brγ and 1.257 µm continuum observations are
of one field each. We use these SOFI images to study the surface brightness of the
globulettes and the associated bright rims. NIR photometry was used to derive an
AV map and look for NIR-excess stars. Archive Spitzer and Herschel data in the
MIR and the FIR were used to study the large-scale structures and further analyze
the stellar population.
The globulettes and elephant trunks have bright rims on the side of the Rosette
Nebula center in the Ks band and the H2 1− 0 S(1) line at 2.12 µm. Approximately
a third of the surface brightness in the Ks band is due to the H2 2.12 µm line which
supports fluorescence as the excitation mechanism instead of shocks. The estimated
H2 1− 0 S(1) surface brightness of the rims is ∼ 3− 8× 10−8 W m−2 sr−1 µm−1.
NIR photometry of stars located on lines-of-sight towards individual globulettes
show that the globulettes have average H2 number densities in the order of 104 cm−3.
The Pβ absorption and Herschel FIR observations confirm that some globulettes
have dense cores. The masses of some individual globulettes were computed using the
background stars, and these confirm that the globulettes are subsolar as the earlier
optical survey and the radio molecular line survey in Paper III suggest. We discovered
a protostellar object in the most massive globulette of the study, and two YSOs in
one of the elephant trunks.
5.5 Paper V - Rosette Nebula globules: Seahorse giving
birth to a star
In Paper V we study two globules, RN A and RN E, in the Rosette Nebula. These
have sizes larger than the globulettes observed in the region in Paper III and Paper
IV but similar to the classical CGs in Paper I and Paper II. They are situated on the
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inner molecular shell of the Rosette Nebula.
We used SOFI NIR broadband JsHKs and narrowband Pβ, 2.09 µm continuum
and H2 1−0 S(1) 2.12 µm to study the stellar population and surface brightness, and
to create an AV map. Archival Spitzer IRAC and WISE data as well as optical Hα
data were used to further study the star formation and the globule structure. APEX
observations made of RN A for the CO survey in Paper III are discussed here.
Mean number densities of ∼104 cm−3 are observed in the globules. In the cores of
the globules we measure AV ∼ 20 − 30 mag, and Pβ absorption is observed towards
these regions. As in the globulettes and elephant trunks in Paper IV, the globules
have bright H2 rims, and the surface brightness is due to fluorescence. Several NIR-
excess candidates are detected, and four of them are observed in the IRAC 8.0 µm
band and studied further. RN A harbors an embedded Class 0/I protostar that is
observed only in the MIR. The CO observations of globule RN A indicate that the
protostar harbors a molecular outflow. The outflow is also observed in NIR and MIR
images where the bowshock and the outflow cavity of the blueshifted lobe are seen.
The Hα image suggests that the outflow possibly reaches parsec-scale. The redshifted
lobe is not seen in the images and it is not covered by the CO observations.
5.6 Author’s contribution to individual papers
• Paper I: The author reduced the SOFI NIR imaging data, and produced the
photometry and AV data based on them. L. Haikala made the SOFI, SEST,
and SIRIUS observations; reduced and analyzed the radio and SIRIUS data; and
had main responsibility for the text. P. Väisänen analyzed the spectroscopical
NIR data. The author offered comments on the manuscript.
• Paper II: The author reduced and analyzed the SOFI NIR data. L. Haikala
reduced the SIRIUS data. The author had the main responsibility of the paper.
Part of the text was modified by L. Haikala who also provided some of the
figures.
• Paper III: The author participated in collecting the Onsala observations along
with G. Gahm and C. Persson. The SOFI NIR observations are a part of
the dataset which is discussed in Paper IV. The author planned the NIR ob-
servations and performed them on-site with L. Haikala. The author reduced
and analyzed the NIR data. G. Gahm wrote most of the paper. The author
contributed to the NIR sections of the paper, some of the figures and offered
comments on the manuscript.
• Paper IV: The SOFI NIR data used in Paper III are presented in full here. The
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author planned the observations, and carried them out on-site with L. Haikala.
The author reduced, and analyzed the SOFI data. L. Haikala made the Herschel
analysis and provided Fig. 14. The author had the main responsibility of the
paper, and the co-authors provided comments.
• Paper V: The author reduced and analyzed the SOFI data. L. Haikala collected
the SOFI data, analyzed the radio data, and provided Fig 4. G. Gahm provided
the NOT Hα observations. The author had the main responsibility of the paper,
and the co-authors offered comments on the manuscript.
Chapter 6
Conclusions and future prospects
In this thesis we have studied cometary-shaped globules associated with or located in
HII regions. The globules have different size-scales, starting from “classical” CGs that
have diameters of ∼ 0.1− 0.2 pc and tails of ∼ 2 pc (Paper I; Paper II) to globulettes
that have diameters an order of magnitude lower (∼ 0.01− 0.1 pc) (Paper III; Paper
IV). We also studied two globules that have diameters similar to CGs, but instead of
displaying tails they appear to be connected to the molecular shell around the HII
region (Paper V). The observations were carried out at near-infrared and CO mm
wavelengths which allow for the detection of star formation.
Low-mass star formation is detected in all cases, indicating that the star formation
process is robust and takes place even in globulettes that have sizes smaller than dense
cloud cores. Studying star-forming globules in HII regions can indicate whether there
is a common mechanism that leads to star formation because of the specific influence
of the HII region or if the globule size plays a role for the triggering mechanism to
work. Because we find on-going star formation in the Gum Nebula CGs, their original
mass distribution has been modified and cannot be directly used to determine the
triggering mechanism responsible for star formation in the two CGs. However, in
CG 1 the star formation is currently in second generation, indicating that triggering
has taken place.
The larger globules of our sample (Paper I; Paper II; Paper V) show signs associ-
ated with star formation. They have outflow cavities seen in scattered IR light. They
also contain MHO objects indicating the presence of shocks, and their CO spectra
display signs of outflow wings.
The globulettes observed in the Rosette Nebula in Paper III and Paper IV pinch off
from the tips of elephant trunks and then continue to become more isolated and dense.
The largest globulettes have number densities above 104 cm−3, and star formation was
observed in the largest isolated globulette of our survey and in the tip of one elephant
trunk. Globulettes have bright rims due to fluorescent H2 emission which indicates
a strong influence from the HII region, and the star formation in globulettes is likely
52
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triggered by RDI. The shells, trunks, and globulettes form a system that expands at
22 km s−1 relative to the central cluster. The objects formed in globulettes will then
shoot out into the Galaxy as “interstellar bullets”. They may provide one source for
the observed population of Galactic free-floating Jupiter mass objects (Sumi et al.
2011).
In Paper V we observe two bright-rimmed globules in the Rosette Nebula. They
have bright H2 rims due to fluorescent H2 similar to the globulettes. The embedded
protostar in RN A drives an outflow. Hα, NIR, and MIR imaging indicates the outflow
may extend up to parsec-scale. MIR observations suggest that the blueshifted lobe
interacts with the molecular shell of the Rosette Nebula.
The RN A outflow provides a possible target to explore the outflow and shell
interaction. Outflows provide turbulence in clouds and the outflow-shell interaction
may lead to triggered star formation in the shell. CO observations of the outflow
are needed to determine its extent, mass, direction, and velocity and to estimate the
likelihood of triggering.
In future studies the determination of the formation mechanism of CGs requires
objects where star formation has not taken place yet. A survey of their mass distri-
bution can be used to study whether RDI or SN shocks are the dominant formation
mechanism of CGs.
The small size of the globulettes requires high spatial resolution to provide more
detailed information than we have collected so far. The bright rims are not resolved
in the SOFI images, but the width of the rims could be studied with high-resolution
diffraction-limited imaging. High-resolution IR spectroscopy would reveal the fluores-
cent line ratios which can be used to determine the n(H) and the UV field strength.
Molecular line observations with high-density gas tracers such as HCO+, NH+2 , and
CS would probe the densest regions of the globulettes. Currently ALMA provides
the high spatial and spectral resolution that can determine the physical and chemi-
cal structure of globulettes. We have recently obtained ALMA data for two selected
globulettes which can be used to compare the observations with simulations.1 Feed-
ing the observed parameters (e.g. temperature, density, and velocity structure) into
a 3D cloud model allows the analysis of the globulettes with a 3D radiative transfer
program (Juvela & Padoan 2005). Modeling the globulette dynamics allows the study
of their evolution (SEREN code, Hubber et al. 2011), and chemical models build e.g.
a temperature profile of the inner globulette structure (3D-PDR, Bisbas et al. 2012).
The simulations will help to investigate the collapse and star formation in globulettes
and whether the objects formed are of planetary mass.
1ALMA Cycle 2 project: Haikala, Bisbas, Gahm, Harju, Mäkelä, Persson, Viti: “Free-floating
Jupiter mass planets and brown dwarfs forming in Rosette globulettes”
Bibliography
Adams, F. C., Lada, C. J., & Shu, F. H. 1987, The Astrophysical Journal, 312, 788
Allamandola, L. J., Tielens, A. G. G. M., & Barker, J. R. 1989, The Astrophysical
Journal Supplement Series, 71, 733
Allen, D. A. 1973, Monthly Notices of the Royal Astronomical Society, 161, 145
Allen, D. A. & Glass, I. S. 1974, Monthly Notices of the Royal Astronomical Society,
167, 337
Allen, L. E., Burton, M. G., Ryder, S. D., Ashley, M. C. B., & Storey, J. W. V. 1999,
Monthly Notices of the Royal Astronomical Society, 304, 98
Allen, L. E., Calvet, N., D’Alessio, P., et al. 2004, The Astrophysical Journal Supple-
ment Series, 154, 363
Anderson, L. D., Bania, T. M., Jackson, J. M., et al. 2009, The Astrophysical Journal
Supplement Series, 181, 255
André, P., Di Francesco, J., Ward-Thompson, D., et al. 2014, Protostars and Planets
VI, 27
Andre, P., Ward-Thompson, D., & Barsony, M. 1993, The Astrophysical Journal,
406, 122
Andre, P., Ward-Thompson, D., & Barsony, M. 2000, Protostars and Planets IV, 59
Arce, H. G., Shepherd, D., Gueth, F., et al. 2007, Protostars and Planets V, 245
Arnaboldi, M., Neeser, M. J., Parker, L. C., et al. 2007, The Messenger, 127, 28
Bachiller, R. 1996, Annual Review of Astronomy & Astrophysics, 34, 111
Bally, J. & Lada, C. J. 1983, The Astrophysical Journal, 265, 824
Bally, J. & Reipurth, B. 2003, The Astronomical Journal, 126, 893
Bally, J., Reipurth, B., & Davis, C. J. 2007, Protostars and Planets V, 215
Barnard, E. E. 1919, The Astrophysical Journal, 49, 1
Barnard, E. E., Frost, E. B., & Calvert, M. R. 1927, A photographic atlas of selected
regions of the Milky way
Barsony, M. & Kenyon, S. J. 1992, The Astrophysical Journal Letters, 384, L53
54
BIBLIOGRAPHY 55
Bedogni, R. & Woodward, P. R. 1990, Astronomy & Astrophysics, 231, 481
Bensch, F., Pak, I., Wouterloot, J. G. A., Klapper, G., & Winnewisser, G. 2001, The
Astrophysical Journal Letters, 562, L185
Bergin, E. A. & Tafalla, M. 2007, Annual Review of Astronomy & Astrophysics, 45,
339
Bertoldi, F. 1989, The Astrophysical Journal, 346, 735
Bertoldi, F. & McKee, C. F. 1990, The Astrophysical Journal, 354, 529
Bessell, M. S. & Brett, J. M. 1988, Publications of the Astronomical Society of the
Pacific, 100, 1134
Bhatt, H. C. 1993, Monthly Notices of the Royal Astronomical Society, 262, 812
Bisbas, T. G., Bell, T. A., Viti, S., Yates, J., & Barlow, M. J. 2012, Monthly Notices
of the Royal Astronomical Society, 427, 2100
Bisbas, T. G., Wünsch, R., Whitworth, A. P., Hubber, D. A., & Walch, S. 2011, The
Astrophysical Journal, 736, 142
Black, J. H. & Dalgarno, A. 1976, The Astrophysical Journal, 203, 132
Black, J. H. & van Dishoeck, E. F. 1987, The Astrophysical Journal, 322, 412
Black, J. H. & Willner, S. P. 1984, The Astrophysical Journal, 279, 673
Blitz, L. 1993, in Protostars and Planets III, ed. E. H. Levy & J. I. Lunine, 125–161
Bohlin, R. C., Savage, B. D., & Drake, J. F. 1978, The Astrophysical Journal, 224,
132
Bok, B. J. 1977, Publications of the Astronomical Society of the Pacific, 89, 597
Bok, B. J. & Cordwell, C. S. 1973, in Molecules in the Galactic Environment, ed.
M. A. Gordon & L. E. Snyder, 54
Bok, B. J. & Reilly, E. F. 1947, The Astrophysical Journal, 105, 255
Bolatto, A. D., Wolfire, M., & Leroy, A. K. 2013, Annual Review of Astronomy &
Astrophysics, 51, 207
Bourke, T. L., Hyland, A. R., & Robinson, G. 1995a, Monthly Notices of the Royal
Astronomical Society, 276, 1052
Bourke, T. L., Hyland, A. R., Robinson, G., James, S. D., & Wright, C. M. 1995b,
Monthly Notices of the Royal Astronomical Society, 276, 1067
Bowler, B. P., Waller, W. H., Megeath, S. T., Patten, B. M., & Tamura, M. 2009,
The Astronomical Journal, 137, 3685
Brand, P. W. J. L., Hawarden, T. G., Longmore, A. J., Williams, P. M., & Caldwell,
J. A. R. 1983, Monthly Notices of the Royal Astronomical Society, 203, 215
BIBLIOGRAPHY 56
Burrows, D. N. & Mendenhall, J. A. 1991, Nature, 351, 629
Burton, M. G., Bulmer, M., Moorhouse, A., Geballe, T. R., & Brand, P. W. J. L.
1992, Monthly Notices of the Royal Astronomical Society, 257, 1P
Burton, M. G., Hollenbach, D. J., & Tielens, A. G. G. M. 1990, The Astrophysical
Journal, 365, 620
Caratti o Garatti, A., Giannini, T., Nisini, B., & Lorenzetti, D. 2006, Astronomy &
Astrophysics, 449, 1077
Cardelli, J. A., Clayton, G. C., & Mathis, J. S. 1989, The Astrophysical Journal, 345,
245
Carey, S. J., Feldman, P. A., Redman, R. O., et al. 2000, The Astrophysical Journal
Letters, 543, L157
Carruthers, G. R. 1970, The Astrophysical Journal Letters, 161, L81
Cernicharo, J. & Reipurth, B. 1996, The Astrophysical Journal Letters, 460, L57
Chauhan, N., Ogura, K., Pandey, A. K., Samal, M. R., & Bhatt, B. C. 2011, Publi-
cations of the Astronomical Society of Japan, 63, 795
Chernin, L. M. & Masson, C. R. 1991, The Astrophysical Journal Letters, 382, L93
Chernin, L. M. & Masson, C. R. 1995, The Astrophysical Journal, 443, 181
Churchwell, E. 2002, Annual Review of Astronomy & Astrophysics, 40, 27
Clemens, D. P. & Barvainis, R. 1988, The Astrophysical Journal Supplement Series,
68, 257
Combes, F. 1991, Annual Review of Astronomy & Astrophysics, 29, 195
Cudworth, K. M. & Herbig, G. 1979, The Astronomical Journal, 84, 548
Dalgarno, A. & Stephens, T. L. 1970, The Astrophysical Journal Letters, 160, L107
Dame, T. M., Elmegreen, B. G., Cohen, R. S., & Thaddeus, P. 1986, The Astrophys-
ical Journal, 305, 892
Davis, C. J., Gell, R., Khanzadyan, T., Smith, M. D., & Jenness, T. 2010, Astronomy
& Astrophysics, 511, A24
Deharveng, L., Zavagno, A., & Caplan, J. 2005, Astronomy & Astrophysics, 433, 565
Dent, W. R. F., Hovey, G. J., Dewdney, P. E., et al. 2009, Monthly Notices of the
Royal Astronomical Society, 395, 1805
Desert, F.-X., Boulanger, F., & Puget, J. L. 1990, Astronomy & Astrophysics, 237,
215
di Francesco, J., Evans, II, N. J., Caselli, P., et al. 2007, Protostars and Planets V,
17
BIBLIOGRAPHY 57
Dickman, R. L. 1978, The Astrophysical Journal Supplement Series, 37, 407
Dopita, M. A., Evans, I., & Schwartz, R. D. 1982, The Astrophysical Journal Letters,
263, L73
Dopita, M. A. & Sutherland, R. S. 2003, Astrophysics of the diffuse universe
Draine, B. T. 2003, Annual Review of Astronomy & Astrophysics, 41, 241
Draine, B. T. 2011, Physics of the Interstellar and Intergalactic Medium
Draine, B. T. & Bertoldi, F. 1996, The Astrophysical Journal, 468, 269
Draine, B. T. & Li, A. 2007, The Astrophysical Journal, 657, 810
Duley, W. W. & Williams, D. A. 1986, Monthly Notices of the Royal Astronomical
Society, 223, 177
Dunham, M. M., Stutz, A. M., Allen, L. E., et al. 2014, Protostars and Planets VI,
195
Egan, M. P., Shipman, R. F., Price, S. D., et al. 1998, The Astrophysical Journal
Letters, 494, L199
Elmegreen, B. G. 1998, in Astronomical Society of the Pacific Conference Series, Vol.
148, Origins, ed. C. E. Woodward, J. M. Shull, & H. A. Thronson Jr., 150–183
Elmegreen, B. G. & Lada, C. J. 1977, The Astrophysical Journal, 214, 725
Fazio, G. G., Hora, J. L., Allen, L. E., et al. 2004, The Astrophysical Journal Sup-
plement Series, 154, 10
Field, G. B., Somerville, W. B., & Dressler, K. 1966, Annual Review of Astronomy
& Astrophysics, 4, 207
Fitzpatrick, E. L. 1999, Publications of the Astronomical Society of the Pacific, 111,
63
Flagey, N., Boulanger, F., Verstraete, L., et al. 2006, Astronomy & Astrophysics, 453,
969
Foster, J. B. & Goodman, A. A. 2006, The Astrophysical Journal Letters, 636, L105
Foster, J. B., Román-Zúñiga, C. G., Goodman, A. A., Lada, E. A., & Alves, J. 2008,
The Astrophysical Journal, 674, 831
Foster, P. N. & Chevalier, R. A. 1993, The Astrophysical Journal, 416, 303
Frank, A., Ray, T. P., Cabrit, S., et al. 2014, Protostars and Planets VI, 451
Frerking, M. A., Langer, W. D., & Wilson, R. W. 1982, The Astrophysical Journal,
262, 590
Gahm, G. F., Grenman, T., Fredriksson, S., & Kristen, H. 2007, The Astronomical
Journal, 133, 1795
BIBLIOGRAPHY 58
Gahm, G. F., Persson, C. M., Mäkelä, M. M., & Haikala, L. K. 2013, Astronomy &
Astrophysics, 555, A57
Geballe, T. R. 1990, Infrared observations of line emission from molecular hydrogen,
ed. T. W. Hartquist, 345
Getman, K. V., Feigelson, E. D., Garmire, G., Broos, P., & Wang, J. 2007, The
Astrophysical Journal, 654, 316
González-Alfonso, E. & Cernicharo, J. 1994, The Astrophysical Journal Letters, 430,
L125
Gould, R. J. & Harwit, M. 1963, The Astrophysical Journal, 137, 694
Gredel, R. & Reipurth, B. 1994, Astronomy & Astrophysics, 289, L19
Greene, T. P., Wilking, B. A., Andre, P., Young, E. T., & Lada, C. J. 1994, The
Astrophysical Journal, 434, 614
Grenman, T. & Gahm, G. F. 2014, Astronomy & Astrophysics, 565, A107
Gritschneder, M., Burkert, A., Naab, T., & Walch, S. 2010, The Astrophysical Jour-
nal, 723, 971
Gritschneder, M., Naab, T., Walch, S., Burkert, A., & Heitsch, F. 2009, The Astro-
physical Journal Letters, 694, L26
Gutermuth, R. A., Myers, P. C., Megeath, S. T., et al. 2008, The Astrophysical
Journal, 674, 336
Habart, E., Abergel, A., Walmsley, C. M., Teyssier, D., & Pety, J. 2005, Astronomy
& Astrophysics, 437, 177
Haikala, L. K., Mäkelä, M. M., & Väisänen, P. 2010, Astronomy & Astrophysics, 522,
A106
Hall, D. N. B., Ridgway, S. T., Gillett, F. C., & Kleinmann, S. G. 1978, The Astro-
physical Journal Letters, 223, L47
Harjunpää, P., Lehtinen, K., & Haikala, L. K. 2004, Astronomy & Astrophysics, 421,
1087
Haro, G. 1952, The Astrophysical Journal, 115, 572
Haro, G. 1953, The Astrophysical Journal, 117, 73
Hartigan, P., Reiter, M., Smith, N., & Bally, J. 2015, The Astronomical Journal, 149,
101
Hawarden, T. G. & Brand, P. W. J. L. 1976, Monthly Notices of the Royal Astro-
nomical Society, 175, 19P
Haworth, T. J., Facchini, S., & Clarke, C. J. 2015, Monthly Notices of the Royal
Astronomical Society, 446, 1098
BIBLIOGRAPHY 59
Hayashi, M., Hasegawa, T., Gatley, I., Garden, R., & Kaifu, N. 1985, Monthly Notices
of the Royal Astronomical Society, 215, 31P
Heathcote, S. R. & Brand, P. W. J. L. 1983, Monthly Notices of the Royal Astronom-
ical Society, 203, 67
Hennebelle, P., Pérault, M., Teyssier, D., & Ganesh, S. 2001, Astronomy & Astro-
physics, 365, 598
Henning, T. & Launhardt, R. 1998, Astronomy & Astrophysics, 338, 223
Herbig, G. H. 1950, The Astrophysical Journal, 111, 11
Herbig, G. H. 1951, The Astrophysical Journal, 113, 697
Herbig, G. H. 1974, Publications of the Astronomical Society of the Pacific, 86, 604
Herbst, E. & van Dishoeck, E. F. 2009, Annual Review of Astronomy & Astrophysics,
47, 427
Hester, J. J., Scowen, P. A., Sankrit, R., et al. 1996, The Astronomical Journal, 111,
2349
Hollenbach, D. & Salpeter, E. E. 1971, The Astrophysical Journal, 163, 155
Hollenbach, D. J., Takahashi, T., & Tielens, A. G. G. M. 1991, The Astrophysical
Journal, 377, 192
Hollenbach, D. J. & Tielens, A. G. G. M. 1997, Annual Review of Astronomy &
Astrophysics, 35, 179
Horváth, A. & Ziegler, U. 1999, Astronomy & Astrophysics, 349, 595
Hubber, D. A., Batty, C. P., McLeod, A., & Whitworth, A. P. 2011, Astronomy &
Astrophysics, 529, A27
Indebetouw, R., Robitaille, T. P., Whitney, B. A., et al. 2007, The Astrophysical
Journal, 666, 321
Ingalls, J. G., Bania, T. M., Boulanger, F., et al. 2011, The Astrophysical Journal,
743, 174
Juvela, M. & Padoan, P. 2005, The Astrophysical Journal, 618, 744
Juvela, M., Pelkonen, V.-M., Padoan, P., & Mattila, K. 2006, Astronomy & Astro-
physics, 457, 877
Juvela, M., Pelkonen, V.-M., Padoan, P., & Mattila, K. 2008, Astronomy & Astro-
physics, 480, 445
Kahn, F. D. 1954, Bulletin of the Astronomical Institutes of the Netherlands, 12, 187
Kessel-Deynet, O. & Burkert, A. 2003, Monthly Notices of the Royal Astronomical
Society, 338, 545
BIBLIOGRAPHY 60
Koenig, X. P. & Leisawitz, D. T. 2014, The Astrophysical Journal, 791, 131
Lada, C. J. 1985, Annual Review of Astronomy & Astrophysics, 23, 267
Lada, C. J. 1987, in IAU Symposium, Vol. 115, Star Forming Regions, ed. M. Peimbert
& J. Jugaku, 1–17
Lada, C. J. & Harvey, P. M. 1981, The Astrophysical Journal, 245, 58
Lada, C. J. & Lada, E. A. 2003, Annual Review of Astronomy & Astrophysics, 41, 57
Lada, C. J., Lada, E. A., Clemens, D. P., & Bally, J. 1994, The Astrophysical Journal,
429, 694
Lada, C. J. & Shu, F. H. 1990, Science, 248, 564
Lada, C. J. & Wilking, B. A. 1984, The Astrophysical Journal, 287, 610
Lane, A. P. & Bally, J. 1986, The Astrophysical Journal, 310, 820
Langer, W. D. & Penzias, A. A. 1993, The Astrophysical Journal, 408, 539
Larosa, T. N. 1983, The Astrophysical Journal, 274, 815
Larson, R. B. 1969, Monthly Notices of the Royal Astronomical Society, 145, 271
Larson, R. B. 2003, Reports on Progress in Physics, 66, 1651
Lawrence, A., Warren, S. J., Almaini, O., et al. 2007, Monthly Notices of the Royal
Astronomical Society, 379, 1599
Lefloch, B. & Lazareff, B. 1994, Astronomy & Astrophysics, 289, 559
Leger, A. & Puget, J. L. 1984, Astronomy & Astrophysics, 137, L5
Lehtinen, K. & Mattila, K. 1996, Astronomy & Astrophysics, 309, 570
Leung, C. M. 1985, in Protostars and Planets II, ed. D. C. Black & M. S. Matthews,
104–136
Li, Z.-Y., Banerjee, R., Pudritz, R. E., et al. 2014, Protostars and Planets VI, 173
Linsky, J. L., Gagné, M., Mytyk, A., McCaughrean, M., & Andersen, M. 2007, The
Astrophysical Journal, 654, 347
Lombardi, M. 2005, Astronomy & Astrophysics, 438, 169
Lombardi, M. 2009, Astronomy & Astrophysics, 493, 735
Lombardi, M. & Alves, J. 2001, Astronomy & Astrophysics, 377, 1023
Lombardi, M., Alves, J., & Lada, C. J. 2006, Astronomy & Astrophysics, 454, 781
Lombardi, M., Alves, J., & Lada, C. J. 2011, Astronomy & Astrophysics, 535, A16
Lombardi, M., Lada, C. J., & Alves, J. 2008a, Astronomy & Astrophysics, 489, 143
BIBLIOGRAPHY 61
Lombardi, M., Lada, C. J., & Alves, J. 2008b, Astronomy & Astrophysics, 480, 785
Lu, F. J. & Aschenbach, B. 2000, Astronomy & Astrophysics, 362, 1083
Luhman, K. L. 2012, Annual Review of Astronomy & Astrophysics, 50, 65
Luhman, M. L., Jaffe, D. T., Keller, L. D., & Pak, S. 1994, The Astrophysical Journal
Letters, 436, L185
Mackey, J. & Lim, A. J. 2010, Monthly Notices of the Royal Astronomical Society,
403, 714
Maddalena, R. J. & Thaddeus, P. 1985, The Astrophysical Journal, 294, 231
Mäkelä, M. M. & Haikala, L. K. 2013, Astronomy & Astrophysics, 550, A83
Mäkelä, M. M., Haikala, L. K., & Gahm, G. F. 2014, Astronomy & Astrophysics, 567,
A108
Mäkelä, M. M., Haikala, L. K., & Gahm, G. F. 2015, submitted, AXXX
Malinen, J. 2014, PhD thesis, University of Helsinki, Faculty of Science, Department
of Physics
Mangum, J. G. & Shirley, Y. L. 2015, Publications of the Astronomical Society of
the Pacific, 127, 266
Martini, P., Sellgren, K., & DePoy, D. L. 1999, The Astrophysical Journal, 526, 772
Masunaga, H. & Inutsuka, S.-i. 2000, The Astrophysical Journal, 531, 350
Masunaga, H., Miyama, S. M., & Inutsuka, S.-i. 1998, The Astrophysical Journal,
495, 346
Mathis, J. S. 1990, Annual Review of Astronomy & Astrophysics, 28, 37
Mathis, J. S., Rumpl, W., & Nordsieck, K. H. 1977, The Astrophysical Journal, 217,
425
Mattila, K., Lemke, D., Haikala, L. K., et al. 1996, Astronomy & Astrophysics, 315,
L353
McCaughrean, M. J. & Andersen, M. 2002, Astronomy & Astrophysics, 389, 513
McCaughrean, M. J. & O’dell, C. R. 1996, The Astronomical Journal, 111, 1977
McKee, C. F. & Ostriker, J. P. 1977, The Astrophysical Journal, 218, 148
Megeath, S. T., Allen, L. E., Gutermuth, R. A., et al. 2004, The Astrophysical Journal
Supplement Series, 154, 367
Meyer, M. R., Calvet, N., & Hillenbrand, L. A. 1997, The Astronomical Journal, 114,
288
Miao, J., White, G. J., Nelson, R., Thompson, M., & Morgan, L. 2006, Monthly
Notices of the Royal Astronomical Society, 369, 143
BIBLIOGRAPHY 62
Mie, G. 1908, Annalen der Physik, 330, 377
Miller, G. E. & Scalo, J. M. 1978, Publications of the Astronomical Society of the
Pacific, 90, 506
Minkowski, R. 1949, Publications of the Astronomical Society of the Pacific, 61, 151
Mundt, R. & Fried, J. W. 1983, The Astrophysical Journal Letters, 274, L83
Noriega-Crespo, A., Morris, P., Marleau, F. R., et al. 2004, The Astrophysical Journal
Supplement Series, 154, 352
O’dell, C. R., Wen, Z., & Hu, X. 1993, The Astrophysical Journal, 410, 696
Olberg, M., Reipurth, B., & Booth, R. S. 1992, Astronomy & Astrophysics, 259, 252
Oort, J. H. & Spitzer, Jr., L. 1955, The Astrophysical Journal, 121, 6
Osterbrock, D. E. 1989, Astrophysics of gaseous nebulae and active galactic nuclei
Padoan, P., Juvela, M., & Pelkonen, V.-M. 2006, The Astrophysical Journal Letters,
636, L101
Patel, N. A., Xie, T., & Goldsmith, P. F. 1993, The Astrophysical Journal, 413, 593
Penzias, A. A. 1981, The Astrophysical Journal, 249, 518
Perault, M., Omont, A., Simon, G., et al. 1996, Astronomy & Astrophysics, 315, L165
Pilbratt, G. L., Riedinger, J. R., Passvogel, T., et al. 2010, Astronomy & Astrophysics,
518, L1
Pineda, J. E., Caselli, P., & Goodman, A. A. 2008, The Astrophysical Journal, 679,
481
Pottasch, S. R. 1956, Bulletin of the Astronomical Institutes of the Netherlands, 13,
77
Pottasch, S. R. 1958, Bulletin of the Astronomical Institutes of the Netherlands, 14,
29
Poulton, C. J., Robitaille, T. P., Greaves, J. S., et al. 2008, Monthly Notices of the
Royal Astronomical Society, 384, 1249
Pudritz, R. E., Ouyed, R., Fendt, C., & Brandenburg, A. 2007, Protostars and Planets
V, 277
Purcell, C. R., Gaensler, B. M., Sun, X. H., et al. 2015, The Astrophysical Journal,
804, 22
Qiu, K., Zhang, Q., Megeath, S. T., et al. 2008, The Astrophysical Journal, 685, 1005
Raga, A. C., Böhm, K.-H., & Cantó, J. 1996, Revista Mexicana de Astronomia y
Astrofisica, 32, 161
Ragan, S., Henning, T., Krause, O., et al. 2012, Astronomy & Astrophysics, 547, A49
BIBLIOGRAPHY 63
Rathborne, J. M., Jackson, J. M., & Simon, R. 2006, The Astrophysical Journal, 641,
389
Ray, T., Dougados, C., Bacciotti, F., Eislöffel, J., & Chrysostomou, A. 2007, Proto-
stars and Planets V, 231
Reipurth, B. 1983, Astronomy & Astrophysics, 117, 183
Reipurth, B. 2008a, Handbook of Star Forming Regions, Volume I: The Northern Sky
Reipurth, B. 2008b, Handbook of Star Forming Regions, Volume II: The Southern
Sky
Reipurth, B. 2008c, Star Formation in Bok Globules and Small Clouds, ed.
B. Reipurth, 847
Reipurth, B. & Bally, J. 2001, Annual Review of Astronomy & Astrophysics, 39, 403
Reipurth, B., Bally, J., Fesen, R. A., & Devine, D. 1998, Nature, 396, 343
Reipurth, B., Corporon, P., Olberg, M., & Tenorio-Tagle, G. 1997, Astronomy &
Astrophysics, 327, 1185
Reipurth, B., Heathcote, S., Morse, J., Hartigan, P., & Bally, J. 2002, The Astro-
nomical Journal, 123, 362
Reipurth, B., Raga, A., & Heathcote, S. 2003, The Astronomical Journal, 126, 1925
Reiter, M., Smith, N., Kiminki, M. M., & Bally, J. 2015, Monthly Notices of the
Royal Astronomical Society, 450, 564
Reynolds, R. J. 1976, The Astrophysical Journal, 206, 679
Richer, J. S., Shepherd, D. S., Cabrit, S., Bachiller, R., & Churchwell, E. 2000,
Protostars and Planets IV, 867
Rieke, G. H. & Lebofsky, M. J. 1985, The Astrophysical Journal, 288, 618
Rieke, G. H., Young, E. T., Engelbracht, C. W., et al. 2004, The Astrophysical Journal
Supplement Series, 154, 25
Robitaille, T. P., Whitney, B. A., Indebetouw, R., & Wood, K. 2007, The Astrophys-
ical Journal Supplement Series, 169, 328
Rydgren, A. E., Strom, S. E., & Strom, K. M. 1976, The Astrophysical Journal
Supplement Series, 30, 307
Sandford, II, M. T., Whitaker, R. W., & Klein, R. I. 1982, The Astrophysical Journal,
260, 183
Sandford, II, M. T., Whitaker, R. W., & Klein, R. I. 1984, The Astrophysical Journal,
282, 178
Sandqvist, A. 1976, Monthly Notices of the Royal Astronomical Society, 177, 69P
BIBLIOGRAPHY 64
Savage, B. D. & Mathis, J. S. 1979, Annual Review of Astronomy & Astrophysics,
17, 73
Savage, B. D. & Sembach, K. R. 1996, Annual Review of Astronomy & Astrophysics,
34, 279
Schlegel, D. J., Finkbeiner, D. P., & Davis, M. 1998, The Astrophysical Journal, 500,
525
Schneps, M. H., Ho, P. T. P., & Barrett, A. H. 1980, The Astrophysical Journal, 240,
84
Schultz, G. V. & Wiemer, W. 1975, Astronomy & Astrophysics, 43, 133
Schwartz, R. D. 1975, The Astrophysical Journal, 195, 631
Scoville, N., Kleinmann, S. G., Hall, D. N. B., & Ridgway, S. T. 1983, The Astro-
physical Journal, 275, 201
Sellgren, K. 1984, The Astrophysical Journal, 277, 623
Shang, H., Li, Z.-Y., & Hirano, N. 2007, Protostars and Planets V, 261
Shimajiri, Y., Kitamura, Y., Saito, M., et al. 2014, Astronomy & Astrophysics, 564,
A68
Shu, F. H., Adams, F. C., & Lizano, S. 1987, Annual Review of Astronomy & Astro-
physics, 25, 23
Shull, J. M. & Beckwith, S. 1982, Annual Review of Astronomy & Astrophysics, 20,
163
Simon, R., Jackson, J. M., Rathborne, J. M., & Chambers, E. T. 2006, The Astro-
physical Journal, 639, 227
Skrutskie, M. F., Cutri, R. M., Stiening, R., et al. 2006, The Astronomical Journal,
131, 1163
Smith, A. M. & Stecher, T. P. 1971, The Astrophysical Journal Letters, 164, L43
Smith, H. A., Hora, J. L., Marengo, M., & Pipher, J. L. 2006, The Astrophysical
Journal, 645, 1264
Smith, M. D. & Rosen, A. 2005, Monthly Notices of the Royal Astronomical Society,
357, 1370
Smith, N., Bally, J., & Walborn, N. R. 2010, Monthly Notices of the Royal Astro-
nomical Society, 405, 1153
Sneden, C., Gehrz, R. D., Hackwell, J. A., York, D. G., & Snow, T. P. 1978, The
Astrophysical Journal, 223, 168
Snell, R. L., Loren, R. B., & Plambeck, R. L. 1980, The Astrophysical Journal Letters,
239, L17
BIBLIOGRAPHY 65
Snow, T. P. & McCall, B. J. 2006, Annual Review of Astronomy & Astrophysics, 44,
367
Spitzer, Jr., L. 1954, The Astrophysical Journal, 120, 1
Stahler, S. W. & Palla, F. 2005, The Formation of Stars
Stanke, T., McCaughrean, M. J., & Zinnecker, H. 2000, Astronomy & Astrophysics,
355, 639
Stanke, T., McCaughrean, M. J., & Zinnecker, H. 2002, Astronomy & Astrophysics,
392, 239
Stark, R. & van Dishoeck, E. F. 1994, Astronomy & Astrophysics, 286, L43
Stecher, T. P. & Williams, D. A. 1967, The Astrophysical Journal Letters, 149, L29
Sternberg, A. & Dalgarno, A. 1989, The Astrophysical Journal, 338, 197
Strömgren, B. 1939, The Astrophysical Journal, 89, 526
Sugitani, K., Fukui, Y., & Ogura, K. 1991, The Astrophysical Journal Supplement
Series, 77, 59
Sumi, T., Kamiya, K., Bennett, D. P., et al. 2011, Nature, 473, 349
Takami, M., Karr, J. L., Koh, H., Chen, H.-H., & Lee, H.-T. 2010, The Astrophysical
Journal, 720, 155
Tan, J. C., Beltrán, M. T., Caselli, P., et al. 2014, Protostars and Planets VI, 149
Tenorio-Tagle, G. 1979, Astronomy & Astrophysics, 71, 59
Thompson, R. I. 1985, The Astrophysical Journal Letters, 299, L41
Tielens, A. G. G. M. 2005, The Physics and Chemistry of the Interstellar Medium
(Cambridge :: Cambridge University Press,)
Tielens, A. G. G. M. 2008, Annual Review of Astronomy & Astrophysics, 46, 289
Tielens, A. G. G. M. & Hollenbach, D. 1985, The Astrophysical Journal, 291, 722
Tobin, J. J., Hartmann, L., Calvet, N., & D’Alessio, P. 2008, The Astrophysical
Journal, 679, 1364
Tremblin, P., Audit, E., Minier, V., Schmidt, W., & Schneider, N. 2012a, Astronomy
& Astrophysics, 546, A33
Tremblin, P., Audit, E., Minier, V., & Schneider, N. 2012b, Astronomy & Astro-
physics, 538, A31
Urquhart, J. S., Morgan, L. K., & Thompson, M. A. 2009, Astronomy & Astrophysics,
497, 789
van den Ancker, M. E., Tielens, A. G. G. M., & Wesselius, P. R. 2000, Astronomy &
Astrophysics, 358, 1035
BIBLIOGRAPHY 66
van Dishoeck, E. F. 1987, in IAU Symposium, Vol. 120, Astrochemistry, ed. M. S.
Vardya & S. P. Tarafdar, 51–63
van Dishoeck, E. F. & Black, J. H. 1987, in NATO ASIC Proc. 210: Physical Processes
in Interstellar Clouds, ed. G. E. Morfill & M. Scholer, 241–274
van Dishoeck, E. F. & Black, J. H. 1989, The Astrophysical Journal, 340, 273
Velusamy, T., Langer, W. D., & Marsh, K. A. 2007, The Astrophysical Journal
Letters, 668, L159
Walawender, J., Bally, J., Kirk, H., et al. 2006, The Astronomical Journal, 132, 467
Walter, F. M., Herczeg, G., Brown, A., et al. 2003, The Astronomical Journal, 126,
3076
Wannier, P. G., Penzias, A. A., & Jenkins, E. B. 1982, The Astrophysical Journal,
254, 100
Ward-Thompson, D., André, P., Crutcher, R., et al. 2007, Protostars and Planets V,
33
Watson, D. M., Genzel, R., Townes, C. H., & Storey, J. W. V. 1985, The Astrophysical
Journal, 298, 316
Welty, D. E. & Fowler, J. R. 1992, The Astrophysical Journal, 393, 193
White, G. J., Lefloch, B., Fridlund, C. V. M., et al. 1997, Astronomy & Astrophysics,
323, 931
Whitney, B. A., Wood, K., Bjorkman, J. E., & Cohen, M. 2003a, The Astrophysical
Journal, 598, 1079
Whitney, B. A., Wood, K., Bjorkman, J. E., & Wolff, M. J. 2003b, The Astrophysical
Journal, 591, 1049
Whittet, D. C. B. 1992, Dust in the galactic environment
Whittet, D. C. B. & van Breda, I. G. 1980, Monthly Notices of the Royal Astronomical
Society, 192, 467
Whitworth, A. P., Bhattal, A. S., Chapman, S. J., Disney, M. J., & Turner, J. A.
1994, Monthly Notices of the Royal Astronomical Society, 268, 291
Whitworth, A. P. & Zinnecker, H. 2004, Astronomy & Astrophysics, 427, 299
Williams, J. P., Blitz, L., & McKee, C. F. 2000, Protostars and Planets IV, 97
Wilson, R. W., Jefferts, K. B., & Penzias, A. A. 1970, The Astrophysical Journal
Letters, 161, L43
Wilson, T. L. & Rood, R. 1994, Annual Review of Astronomy & Astrophysics, 32,
191
BIBLIOGRAPHY 67
Woermann, B., Gaylard, M. J., & Otrupcek, R. 2001, Monthly Notices of the Royal
Astronomical Society, 325, 1213
Wolf, M. 1923, Astronomische Nachrichten, 219, 109
Wright, E. L., Eisenhardt, P. R. M., Mainzer, A. K., et al. 2010, The Astronomical
Journal, 140, 1868
Ybarra, J. E. & Lada, E. A. 2009, The Astrophysical Journal Letters, 695, L120
Ybarra, J. E., Lada, E. A., Román-Zúñiga, C. G., et al. 2013, The Astrophysical
Journal, 769, 140
Ybarra, J. E., Tapia, M., Román-Zúñiga, C. G., & Lada, E. A. 2014, The Astrophys-
ical Journal Letters, 794, L25
Yun, J. L. & Clemens, D. P. 1990, The Astrophysical Journal Letters, 365, L73
Yun, J. L. & Clemens, D. P. 1992, The Astrophysical Journal Letters, 385, L21
Zealey, W. J., Ninkov, Z., Rice, E., Hartley, M., & Tritton, S. B. 1983, Astrophysical
Letters, 23, 119
Zinnecker, H., McCaughrean, M. J., & Rayner, J. T. 1998, Nature, 394, 862
Zinnecker, H., McCaughrean, M. J., & Wilking, B. A. 1993, in Protostars and Planets
III, ed. E. H. Levy & J. I. Lunine, 429–495
